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Summary

This thesis contains work done by the author on the Woomera air Clerenkov
telescope, and background information relating to that work.

Chapter 1 provides an introduction to the field of gamma-ray astronomy. It
includes an introduction to ground based gamma-ray astronomy and recent satellite
observations. Gamma-ray production mechanisms and some environments where
gamma-ray production could occur are discussed. The recent history of ground based
gamma-ray observations is reviewed, including a source list and a brief description of
two important sources. The last part of this chapter is a review of the source
Hercules X-1, including ground based observations of Her X-1 at gamma-ray energies
and proposed models for some of the features of the gamma-ray emission from this
object.

Chapter 2 is a discussion of the formation of extensive air showers (EAS), with
emphasis on the differences between gamma-ray and cosmic ray induced EAS.

In Chapter 3 the atmospheric Cerenkov technique is discussed. This chapter
describes the nature of Cerenkov emission from EAS and how this affects the design
of air Cerenkov telescopes. The two telescopes located at Woomera, BIGRAT and
CANGAROO, are described in this chapter. The Sommers-Elbert technique for large
zenith angle observation is described. This work includes Monte Carlo simulations
performed by the author which show how the collecting area and threshold energy of
BIGRAT vary with the zenith angle of observation.

Gamma-ray observations made with the atmospheric Cerenkov technique must
contend with a large background signal due to EAS initiated by cosmic rays. Chapter
4 contains a discussion of techniques for enhancing the sensitivity of air Cerenkov
telescopes by rejecting this cosmic ray background. Camera systems are discussed,
including experimental details of a camera system recently installed on BIGRAT.

Chapters 5 and 6 contain most of the work done by the author for this thesis.
Chapter 5 describes a method for rejecting the cosmic ray background by measuring

the temporal distribution of Cerenkov photons from EAS. The formation of pulse
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profiles is discussed, including detailed Monte Carlo simulations performed by the
author. These simulations show that the pulse profile measurement technique can be
used to differentiate between gamma-ray and cosmic ray induced EAS. Pulse profile
parameters are described as well as a method for applying cuts on data to increase
the gamma-ray sensitivity of observations. This chapter also contains a description
of a pulse profile measurement system built by the author and installed on the
BIGRAT telescope. At the end of this chapter is a short discussion about combining
pulse profile cuts with camera image cuts to further increase the sensitivity of the
atmospheric Cerenkov technique to gamma-rays.

The first section of Chapter 6 contains a discussion of time series analysis
techniques used in the search for pulsed gamma-ray emission. The rest of Chapter 6
describes the search, performed by the author, for pulsed gamma-ray emission from
the x-ray binary Hercules X-1. Observations of Her X-1 were made with the pulse
profile measurement system on BIGRAT during 1992 and 1993. Analysis of these
data has shown that gamma-ray emission was possibly detected from Her X-1 during
1992. A signal, pulsed at a period blue shifted from the x-ray period of Her X-1 by
0.05%, was seen in all three files taken around eclipse ingress. The flux above 27TeV
in these files was calculated to be around 4 x 1072 photons 5! cm~2, corresponding
to a source luminosity of ~ 10% erg/s. When the chance probabilities for all three
ingress files were combined the final significance was found to be 1.34 x 10~4.

Chapter 7 contains a brief conclusion and suggestions for further work.
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Chapter 1

Introduction to Gamma-ray

Astronomy

1.1 Introduction

In 1912 experiments conducted by Victor Hess (Hess 1912) led to the
realization that the earth is being bombarded by high energy radiation. These
“cosmic rays” were found to consist mainly of energetic charged particles whose
energies extended beyond 10?° eV, well above energies attainable by today’s man
made particle accelerators. As the charged cosmic rays traverse the magnetic fields of
interstellar space, they are scattered away from their original trajectory. If a cosmic
ray travels a sufficient distance all information about its original direction is thus
lost. As a result, measurements of cosmic rays at earth show almost isotropic arrival
distributions at most energies and, consequently, sources of cosmic rays cannot be
identified by measurement of arrival directions at earth.

Any discreet source capable of accelerating cosmic rays to the enormous
energies seen could also be a source of other energetic radiation, such as gamma-rays
and neutrinos. Both of these types of particles, being electrically neutral, would
travel undeflected from their source. While neutrinos are produced in large numbers
in high energy interactions, and travel easily from production region to observer,

they are difficult to detect. Gamma-rays on the other hand, are easily detected, and



still travel relatively unimpeded through space. Gamma-rays can be defined as
photons with energy greater than 0.51MeV (the rest mass of the electron).
Gamma-ray astronomy is divided into broad energy domains, determined by the
detection technique used to observe them.

Gamma-rays entering the earth’s atmosphere will interact via pair production.
From the top of the atmosphere to sea level is more than 30 interaction lengths for
pair production. Direct observation of gamma-rays must be made above the bulk of
the atmosphere, with either balloon or satellite experiments. These experiments
operate in the range ~ 30MeV to several tens of GeV, and this regior\i is known as
the high energy (HE) region. Satellite and balloon experiments usually rely on a
spark chamber as the central detector. They have excellent signal to noise, good
angular resolution and a wide field of view. The collecting area of these detectors is
limited by the size and weight that can be launched by rocket or carried by balloon.
Typically an experiment of this type will have a collecting area of around 1000
square centimeters.

Above the HE region the low flux of gamma-rays necessitates the use of
techniques with larger collecting areas than are available with direct detection
methods. An energetic gamma-ray entering the earth’s atmosphere will produce a
cascade of secondary particles known as an extensive air shower (EAS). If the
secondary particles are sufficiently energetic then they will cause the emission of
Cerenkov radiation. The development of EAS and subsequent Cerenkov emission is
described in detail in chapters 2 and 3. An EAS initiated by a primary with energy
greater than ~ 100GeV will produce enough Cerenkov radiation to be detected at.
ground level. The atmospheric Cerenkov technique is generally used to detect
primary gamma-rays in the energy range 100GeV to 100TeV, and this range is
known as the very high energy (VHE) region. The atmospheric Cerenkov technique
has the advantage of very large collecting areas (~ 10°m?). Disadvantages of the
atmospheric Cerenkov technique include lack of control over the detection medium
(the atmosphere) and difficulty in interpreting results because of the complexity of
the development of EAS. The duty cycle of VHE observations is also small (~10%)

because the low numbers of Cerenkov photons limits observations to cloudless,



moonless nights. Air Cerenkov experiments can have good angular resolution but
generally only have a small field of view. |

Above a primary particle energy of around 100TeV the secondary particles of
the EAS arrive in detectable numbers at ground level. These ultra high energy
(UHE) gamma-rays can be detected by arrays of particle detectors. Particle arrays
have the advantage of wide field of view and they can be designed to give excellent
angular resolution. Unlike air Cerenkov telescopes, arrays can be run continuously,
although the analysis of data is still complicated by the development of the EAS that
they detect.

The remainder of this chapter will discuss the production of VHE and UHE

gamma-rays, and the development of ground based gamma-ray astronomy.

1.2 Brief History of Ground Based Gamma-ray

Astronomy

For reasons of brevity a complete review of the field is not possible here.
Instead, this section will contain a list of sources reported to be emitters of VHE and
UHE gamma-rays, and a brief summary of observations on a few important sources.

‘or more detailed reviews the reader is referred to articles by Weekes (1988,1992),
Protheroe (1993) and Nagle et al. (1988).

During the 1960’s and 1970’s a number of groups searched for point sources of
VHE and UHE gamma-rays. Observations were made with air Cerenkov telescopes
and array experiments covering an energy range from 0.2 TeV to 100PeV. The
majority of the early observations resulted in upper limits only, and those sources
that were seen (Crab, Cygnus X-3, Cen A) showed no consistency in observed flux
levels.

The launch of gamma-ray satellite experiments during the 1970’s caused
renewed interest in TeV and PeV gamma-ray astronomy. From this time on, dozens
of new experiments were built and the number of reported sources has increased

from a few to more than twenty. Table 1.1 shows a list of reported gamma-ray



Source Period Distance (kpc) | Discovered by
Radio Pulsars

1937 +21 1.6ms 5 Durham
1957 420 1.6ms 1.0 Durham
1855 +09 5.4ms 0.35 Durham
1953 +29 6.1ms 0.8 Durham
0531 +21 33ms 2.0 SAO
0833 -45 89ms 0.5 Tata
0355 +54 156ms i Tata
1706 -44 102ms it CANGAROO (1)
X-ray Binaries
Cyg X-3 (4.8h/12.6ms) >10 Crimea
Her X-1 (1.7d/1.24s) 5.8 Durham
Cas Gam-1 3.61s 5 Crimea
Vela X-1 (8.96d/283s) 1.9 Potchefstroom
Cen X-3 (2.09d/4.823s) 10 Durham
1E2259 +58 3.49s 3.6 Durham
Sco X-1 0.797d 1 Potchefstroom
LMC X-4 (1.41d/13.49s) 50 Durham
SMC X-1 710.5ms 7 Durham
AE-Aqr (9.88h/33s) 0.053 Potchefstroom (2)
AGN
Cen A - 4400 SAO
Mrk 421 - z=0.031 Whipple (3)

Table 1.1: List of reported VHE and UHE gamma-ray sources. Where both the
orbital period and pulsar period are listed the format (orbital/pulsar) is used. The
data are from Weekes 1992 with more recently claimed sources that are numbered.
The references for these are (1) Ogio et al. (1993) (2) Brink et al. 1990 (3) Punch
et al. (1992). It should be noted that for some radio pulsars, such as the Crab (0531

+21), the gamma-ray emission is actually thought to come from the nebula rather
than the pulsar itself.

sources. The information is from Weekes (1992), modified by the inclusion of some
more recent data.

One of the great difficulties in ground based gamma-ray astronomy is to assess
the significance of an observation. Many reported detections have relied on signals
with only small significance, and some researchers have expressed concerns about

how the significance of results are determined. While some of the sources listed in



table 1.1 may be dubious, there is strong evidence for the ground based detection of
at least a few sources (Crab, Her X-1 and Cyg X-3). A brief discussion of

observations of the Crab and Cyg X-3 will follow. Her X-1 is discussed in more detail
at the end of this chapter.

Crab Pulsar (Psr 0531 +21)/Crab nebula

The Crab pulsar was created as the result of a supernova explosion
approximately 940 years ago. The pulsar has a period of 33ms and is still within its
supernova remnant (Crab nebula). The Crab has been studied intensely from radio
to gamma-ray wavelengths. It has been detected as a source of 100MeV gamma-rays
by balloon experiments and is seen as a strong source by satellite experiments. The
Crab is an ideal target for VHE observation because it is believed that radiation
from the radio to x-ray is powered by synchrotron emission from electrons with
energies up to several TeV.

The Crab pulsar has been observed extensively by air Cerenkov experiments
since the 1960’s. Reported detections show a pattern typical of claimed VHE and
UHE sources. Most of the claimed detections were of low significance, with lack of
consistency between detections in the type and strength of emission. There were
reports of DC emission, pulsed emission and bursts on ~ 15 minute timescales (see
Weekes 1988 for details). The pulsed emission showed variability not only in the flux
but also in the nature of the light curve.

The installation of a camera system on the Whipple 10m telescope (see
section 4.2.2) has provided conclusive proof that the Crab is a source of VHE
gamma-rays. This camera, and later cameras, provided unparalleled sensitivity for
gamma-ray observations by providing a method of identifying gamma-ray initiated
EAS against the background of cosmic ray events. The Whipple observations have
shown that the Crab is a steady DC source of VHE gamma-rays. These observations
of the Crab are significant at a level above 300, and show a flux above 0.4TeV of
7 x 107" photons cm™?s™! (Reynolds et al. 1993). The Whipple data show no

evidence of pulsed emission or bursting on a timescale of around half an hour. This



is disturbing given the nature of the earlier reports of emission from the Crab, which

were made with experiments of lesser sensitivity.
Cygnus X-3

Cygnus X-3 is an x-ray binary with an orbital period of 4.8 hours. It shows
high variability at all frequencies at which it is observed. During radio bursts the
radio flux can vary by a factor of 10% over its quiescent value.

Numerous ground based gamma-ray detections of Cyg X-3 have been claimed
for energies from 0.3TeV to 10PeV. As with the early reported emission from the
Crab, claimed detections of Cyg X-3 are often of low significance and show
inconsistency in the flux and the shape of the 4.8 hour light curve (see Weekes
1988,1992). The Durham and Adelaide groups have also reported 12.59ms pulsations
from Cyg X-3 (Chadwick et al. 1985, Gregory et al. 1990). Pulsations have also been
reported at 9.22ms (Zyskin et al. 1987). Other experiments running during the same
period have failed to confirm pulsations at these periods. Cygnus X-3 has provided
further mystery with the detection of EAS, apparently from Cygnus X-3, with a
muon content much higher than that expected from gamma-ray EAS (Samorski and
Stamm 1983, Marshak 1985a,b and Battistoni et al. 1985).

Since 1985 there have been fewer reports of emission from Cyg X-3. The

consensus seems to be that if Cyg X-3 was a source of VHE and UHE gamma-rays, it

has decreased in intensity in recent times.

While high energy astrophysical phenomena are often highly time variable, the
inconsistent nature of many reported VHE and UHE detections has cast doubt on
many of the claimed sources. These doubts have been amplified by the failure of
new, more sensitive experiments to detect previously reported sources.

At TeV energies, the new Whipple high resolution camera is an order of
magnitude more sensitive than previous air Cerenkov detectors. In a recent paper
(Reynolds et al. 1993), the Whipple group have reported on the search for DC

emission from a total of 27 sources. Except for the Crab, it was found that none of



the observations provided statistically significant evidence for DC emission of VHE
gamma-rays. From more recent observations, the Whipple group have claimed
evidence for steady emission from the BL-Lacertae object Markarian 421 at a
significance of 60 (Punch et al. 1992).

At UHE energies the CASA-MIA and CYGNUS arrays have also shown
disappointing results. Recent source searches (Alexandreas et al. 1993, Cronin et al.
1992) show no evidence for emission from a large number of possible UHE
gamma-ray sources. These included many sources claimed previously with less
sensitive experiments. The results of the more recent experiments would seem to
indicate that sources of VHE and UHE gamma-rays are fewer in number and less

intense than previous observations would have predicted.

1.3 Satellite Experiments

The shielding of the earth’s atmosphere means that direct observation of
gamma-rays is only possible through high altitude balloon or satellite experiments.
Since the early 1970’s gamma-ray telescopes aboard satellites have yielded a wealth
of information about cosmic gamma-rays in the MeV to tens of GeV energy range.
This information is important to air Cerenkov experiments because it provides

information about sources at energies just below those attainable through the study

of EAS.
SAS-2

The second NASA Small Astronomical Satellite (SAS-2) was launched on 15
November, 1972. The principal detector consisted of a 32 level spark chamber with
an active area of approximately 640cm?®. The energy threshold of the telescope was
30MeV, with energy determination possible for gamma-rays of energy less than
200MeV. The field of view of the telescope was 35° with angular resolution for
individual gamma-rays of typically a few degrees. Absolute arrival times were
determined to a precision of 1ms. For further experimental details see Fichtel et al.

(1975) and references therein.



The observations of SAS-2 were terminated after only seven months because of
a system failure. During this time 60% of the celestial sky was observed. The
spectrum of the diffuse gamma-ray background was found to be represented by a
power law of the form
dN

— = AE™@ 1.1
dE AE (L1

where o was found to be 2.4 + 0.2 over the range 35 to 200 MeV. The integral flux

above 100MeV was found to be 1.93 £ 0.26 x 10~° photons cm=2 s~ sr~1.
Dominating the diffuse gamma-ray emission was the gamma-ray emission from

the galactic plane. The galactic component was found to have a flatter spectrum

than the diffuse background with

A% = AE%? (1.2)

The correlation between gamma-ray emission and structural features in the galaxy
led to the conclusion that the galactic emission was probably due to the interaction

of cosmic rays with the interstellar matter of the galaxy.

The SAS-2 data base was also searched for discrete sources of gamma-ray
emission. Kniffen et al. (1977) found four such sources, the Crab and Vela pulsars,
Cygnus X-3 and Geminga (v19545). Thompson et al. (1983) also searched for

emission from known radio pulsars. The search involved a total of 43 pulsars, none of

which yielded positive results.

COS B

The COS B satellite was launched in August 1975, and remained operational
for almost seven years. The main instrument was a wire grid spark chamber with a
sensitive area of 576cm?. The energy threshold of COS B was 30MeV, with energy
resolution available up to about 2GeV. The telescope could detect gamma-rays up to
30° off-axis with an angular resolution that varied from 10° at 30MeV to 2° at 1GeV.

Arrival times were measured to less than 1ms.

The COS B data base covering the period August 1975 to December 1978 has



PosiTion FLux* R
No.0f ——————————— ErrorR E>100MeV CG Source
, OBSERVA- ! b Rapwus (1078 photons  SpECTRAL® (Hermsen e al.
SOURCE NAME ¥  TIONS (degrees) (degrees) cm™2s™) PARAMETER COMMENTS 1977) IDENTIFICATION
2CG 006—00..... 3 6.7 -=0.5 1.0 2.4 0.39+£0.08
2CG010-31..... i 10.5 -31.5 1.5 1.2 AR
2CG 013+4-00..... 4 13.7 +40.0 1.0 1.0 0.68+0.14 ..
2CG 036+01..... 3 36.5 +1.5 1.0 1.9 0.27£0.07 i ..
2CG 0544-01..... 3 54.2 1.7 1.0 1.3 0.201+0.09 St ..
2CG 065+4-00..... 4 65.7 0.0 0.8 1.2 0.24+0.09 CG 6440
2CG 075+00..... 5 75.0 0.0 1.0 1.3 v i could be an CG 75—0
2CG 078+01..... 5 78.0 +1.5 1.0 2.5 extended feature CG 7841
2CG 095+04..... 3 95.5 +4.2 1.5 1.1
2CG 121404..... 3 121.0 +4.0 1.0 1.0 0.43+0.12 CG 12143
2CG 135+4-01..... 3 135.0 +1.5 1.0 1.0 0.31+£0.10 CG 13541
2CG 184—05..... 4 184.5 -5.8 0.4 3.7 0.18+0.04 CG 185-5 PSR 0531421
2CG 195+04..... 3 195.1 +44.5 0.4 4.8 0.3340.04 v1954-5 CG 195—-4 s
2CG 218-00..... 3 218.5 -0.5 1.3 1.0 0.20+0.08 ...
2CG 235-01..... 2 235.5 ~1.0 1.5 1.0 ..
2CG 263—-02..... 4 263.6 —2.5 0.3 13.2 0.36+£0.02 CG 263-2 PSR 0833 ~45
2CG 284-00.... 1 284.3 -0.5 1.0 2.7 v could be an
2CG 288-00..... 1 288.3+ —0.7 1.3 1.6 e _extended feature ...
2CG 289+64..... 2 289.3 +64.6 0.8 0.6 0.15+£0.07 CG 291463 3C213
2CG311—-01..... 2 M3 13 1.0 2.1 , CG312—-1
2CG 333+-01..... 3 333.5 +1.0 1.0 3.8 CG 33340
2CG 342—-02..... 5 3429 -2.5 1.0 2.0 0.36+0.09 s Jia
2CG 353+16. .... 4 353.3 +16.0 1.5 1.1 0.241£0.09 . o Oph
2CG 356+-00..... 1 336.5 40.3 1.0 2.6 0.46+0.12 prob. variable
2CG 359-00..... 3 359.5 -0.7 1.0 1.8
* Assuming E~2 spectra.

b Intensity (E > 300 MeV)/Intensity (£ > 100 MeV), assuming E=2 spectra calculating hoth intensities. |

The second COS-B catalogue. (from Swanenberg et al. 1981)

Figure 1.1
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Figure 1.2: Schematic diagram of the EGRET HE gamma-ray telescope (from Kanbach
et al. 1988).

been searched for sources of high energy gamma-rays (Swanenberg et al. 1981). A
total of 25 sources were found and published as the second COS B catalogue (see
figure 1.1). Both the Crab and Vela pulsars were seen, identified by their

characteristic periods. Surprisingly, Cygnus X-3 which was seen by SAS-2, was not
detected by COS B.

GRO

The Gamma-Ray Observatory (GRO) was launched on April 5, 1991, and if all
goes well it should remain operational until the mid 1990’s. GRO has four
instruments (BATSE, OSSE, COMPTEL, EGRET) for studying gamma-rays over
the energy range of less than 100keV to greater than 10GeV. Of the four
instruments, EGRET (Energetic Gamma-Ray Experiment Telescope) is studying the
highest energy gamma-rays. EGRET, a spark chamber telescope (see figure 1.2), has
an energy threshold of 30MeV and will detect gamma-rays with energy as high as
30GeV. The effective collecting area of EGRET is approximately 2000cm?. For

10



gamma-rays in the middle range of EGRET’s sensitivity (100MeV to several GeV)
the energy resolution is about 15%. EGRET has a field of view of 40° (FWHM),
with angular resolution in the range 0.1° to 0.4°.

Early analysis of GRO EGRET data has identified 17 point sources with
significance greater than 70. A totajl of 60 sources have been seen above 40, although
some of these will almost certainly be due to statistical fluctuation (Hunter 1993a).

Figure 1.3 shows a gamma-ray sky map from early EGRET data.

1.4 UHE and VHE Gamma-ray Production

1.4.1 Production Mechanisms

Above 100 GeV there are only a small number of viable mechanisms for

producing gamma-rays. The most important of these are

e Meson Decay - When an energetic nucleon interacts with other nuclei it is
raised to an energetic state. When the nucleon decays to a lower energy state it
emits 7 and k mesons (7°,7% k*). The most important of these is the 7° which
decays to two high energy photons. This mechanism allows an accelerated

beam of nucleons to be efficiently converted into high energy gamma-rays.

o Synchrotron emission - A relativistic electron moving through a transverse
magnetic field will emit radiation via the synchrotron process. This process is

relatively inefficient, as the energy of the electron is several orders of magnitude

above the energy of the gamma-ray produced.

o Inverse Compton Effect - High energy gamma-rays may be produced by the
interaction of low energy photons with relativistic electrons via the inverse

Compton process.

11



EGRET skymap (Hunter 1993b).

Figure 1.3
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1.4.2 Photon-Electron Cascading Through the Cosmic

Microwave Background

One of the advantages of using gamma-rays to study high energy environments
is that they are able to travel relatively unimpeded through space. In 1965 Penzias
and Wilson discovered the cosmic microwave background. The microwave
background is believed to be the remnant of photons produced during the “big bang”
at the beginning of the universe. The subsequent expansion of the universe has
cooled these photons which now exhibit the characteristics of black body emission at
2.7 K. The energy density of the microwave background is 1 eV cm™2 which
translates to a photon density of 10® photons cm™3.

Shortly after its discovery it was realized that the microwave background would
severely attenuate UHE gamma-rays traveling large distances (Jelley 1966, Gould
and Schreder 1966). Photon-photon pair production (y +v(3K) = e*e™) becomes
important for gamma-rays of energy above 10'eV, with attenuation peaking at
2PeV (see figure 1.4).

The interaction length for photon-photon pair production for a photon of
energy 10'® eV is of the order of 10 kpc. This would suggest that extra galactic
sources of UHE gamma-radiation should not be observable. This is in contradiction
to reported observations of neutral radiation (presumably gamma-rays) from Cen A

(Clay et al. 1984) and LMC X-4 (Protheroe and Clay 1985). Cen A, at a distance of

logyy (xy/kpc)
~N
—

0 1 1 I 1 g 1
4 5 ] 1 8 9 0 n

0g 4 { E/GeV )

Figure 1.4: The mean interaction length of photons for photon-photon pair production
in the microwave background (from Protheroe 1986).
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Figure 1.5: Differential energy spectrum of gamma-rays at distances of (a)50kpc,
(b)500kpc and (c) 5Mpc (from Protheroe 1986).

6Mpc, is more than 600 interaction lengths from the earth for gamma-rays of energy
10'° eV. LMC X-4, at 50kpc, is still more than five interaction lengths from us at an
energy of 10'® eV. Even Cygnus X-3 (Samorski and Stamm 1983) is greater than one
interaction length from earth at 10'® eV, which should cause severe attenuation of
gamma-rays from this source.

One possible explanation of these observations is that the gamma-rays are
partially replénished by inverse Compton scattering of the pair produced electrons in
the cosmic microwave background. Typically, in pair production, one of the electrons
retains a large fraction of the energy of the initial gamma-ray. Subsequent inverse
Compton scattering gives most of the energy of the electron to the gamma-ray that
is produced. For this process to work efficiently the intergalactic magnetic fields
must be weak enough (< 10~7 gauss) that the synchrotron losses of the electron do
not dominate the inverse Compton process. If the electrons are to retain the original
direction of the initial gamma-ray then further restrictions must be placed on the
value of the inter-galactic magnetic fields (B<1071° G).

Protheroe (1986) has performed detailed Monte Carlo simulations of the
photon-electron cascading through the microwave background. He concludes that for
a local galaxy, such as the LMC, the observed gamma-ray spectrum would have a dip

at 10' — 10 eV and a small peak just below 10" eV (see figure 1.5). For Cen A the
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Figure 1.6: Distribution of radio pulsars in galactic coordinates (from Shapiro and

Teukolsky 1983).

10'° eV gamma-ray flux would be attenuated to 102 of its original level. Cascading
of 10'® — 10" eV photons through the microwave background could produce

observable 10'® — 10 eV photons at earth but this would require enormous

luminosity above 108 eV.

1.4.3 Gamma-ray Production Environments

The following section will give a brief description of some possible environments

for the production of VHE and UHE gamma-rays.

1.4.3.1 Radio Pulsars

Pulsars are believed to be highly magnetized rapidly rotating neutron stars.
They are characterized by highly polarized bursts of broadband radio emission seen
at very regular time intervals. Since the first reported observation of a pulsar
(Hewish et al. 1968) hundreds of pulsars have been detected. The spatial
distribution of detected pulsars indicates that they lie within the galaxy (see
figure 1.6). The pulsar rotational periods vary from just over a milli-second to

several seconds, although the vast majority lie in the range 0.1s to 2.5s.
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If pulsars are neutron stars then they must be created mainly as a result of
supernova explosions where the outer layers of the progenitor star are blown off,
leaving a supernova remnant (SNR) around a neutron star. Typically the radio
pulsars that are observed are no longer associated with their SNR. Two notable
exceptions to this are the young radio pulsars in the Crab and Vela SNR.

A “canonical” neutron star has a radius of 10km and a mass of around 1.4Mg.
If the progenitor star is a good conductor then the conservation of the magnetic field
during the collapse of the core leaves the neutron star with a large magnetic field
(~ 10™G). The conservation of the angular momentum of the original star will also
lead to the rapid rotation of the neutron star. The rotation will be limited to periods
above a level where the neutron star would be torn apart by centrifugal forces. For a

neutron star of mass M and radius R the maximum angular speed will be given by

GM
‘anax = R3

where G is the gravitational constant. If the average density of the neutron star is 7

(1.3)

then the minimum period will be

V3T
min — S
Gp

For a neutron star of radius 10km and mass 1My equation 1.4 gives a period of

P (1.4)

roughly 1ms.

The magnetic field of a neutron star will co-rotate with the star out to a
distance where the tangential velocity of the field is equal to the speed of light. This
distance defines the radius, R, of the “light cylinder”, where

c
R = .
Ons (1.5)

Beyond the light cylinder the field lines emanating from the neutron star are swept
back (see figure 1.7), applying a retarding torque on the star. Assuming that the
moment of inertia of the star remains constant, the change in period due to this

torque is given by Paccini (1968) :
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P? = P2 + A’BZt (1.6)
where
P = period at time t
Py = period at time 0
A? ~ 2x107%G%s
By = pulsars surface magnetic field
(1.7)

Measured values of P and P show that pulsars have an average magnetic field of

around 10'? G. Paccini (1968) has derived the rate of energy loss of a pulsar through

dipole radiation

B2R6Q4 )

63 erg s

At the present time there is no self consistent model that can explain all of the

B~ (1.8)

observed features of pulsars. There are models, however, which can explain the basic

features of radiation emission from pulsars.

Standard Model

Goldreich and Julian (1969) have shown that a rotating neutron star with a
strong magnetic field will produce a large electric field with a component parallel to
the magnetic field. The strength of the electric field is such that charged particles are
removed from the surface of the star creating a plasma filled magnetosphere. The
positive and negative charges are separated around the null surface, where QB=0
(see figure 1.7). The strength of the magnetic field around the star constrains
particles to move along the field lines. The particles that are attached to the field
lines within the light cylinder will co-rotate with the neutron star. Particles which
are attached to the open field lines are accelerated out beyond the light cylinder into

space. The potential drop along the field lines is capable of accelerating charged
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particles to very high energies. The maximum energies that particles can attain is

given by

ZR2B
Epas = 3 X 1012—% Y (1.9)

where 7 is the atomic charge and Rg, By, and P are in units of 108cm, 102G and
seconds respectively. For the Crab pulsar this would accelerate protons to 2 x 101%eV
(Goldreich and Julian 1969). For electrons, which would suffer synchrotron losses,
the maximum attainable energy would be somewhat less.

The original model of Goldreich and Julian considered the case where the
magnetic and spin axes were aligned. In order to produce pulsed radiation the model

would need to be altered so that the magnetic axis is tilted away from the spin axis.

The Outer Gap Model

The outer gap model (Cheng et al. 1986a,b) has provided a mechanism for

pulsed emission from infra-red to GeV gamma-ray photons in the Crab and Vela
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pulsars. It also provides a mechanism for producing unpulsed VHE gamma-rays.
The outer gap model predicts the formation of a region of charge depletion in
the magnetosphere of a pulsar.The gap is bounded by the last closed field lines from
below, by the null surface from inside, by the light cylinder from the outside and by
a boundary charge layer from the top. In general, pair production in the
magnetosphere of a pulsar prevents the formation of electric field potentials parallel
to the magnetic field. In the gap, however, E.B # 0 leading to a large potential drop
across the gap (~ 10 V). The potential accelerates electron positron pairs which
emit curvature radiation as they move along the curved magnetic field lines. The
photons always move away from the gap because the field lines are convex. These
photons will cascade through photon-photon pair production (with radiation emitted
further up the gap) and synchrotron emission to produce gamma-rays with energies
as high as a few GeV. The electron-positron pairs that leave the gap through the
light cylinder can produce VHE gamma-rays by inverse Compton scattering with the
infra-red photons filling the magnetosphere of the pulsar. The directions of the
electrons leaving the gap become randomized as the open field lines become tangled,
and eventually merge with the magnetic field of the interstellar medium. If the
electron trajectories become sufficiently randomized the pulsed emission becomes

smeared out giving a DC signal at these energies.

1.4.3.2 Binary X-ray Sources

Binary x-ray systems consist of a star and a compact object (neutron star, black
hole or white dwarf) orbiting around a common center of mass. X-ray satellites,
launched since the 1970’s, have found that galactic x-ray emission is dominated by
these sources. Figure 1.8 shows the celestial distribution of x-ray sources.

X-ray binary systems are divided roughly into two classes on the basis of the
mass of the companion star, M,,;. If the companion star has mass M,,; > 1Mg then
the binary is classed as a “massive” system. Examples of massive x-ray binary
systems are Cyg X-1 and Cen X-3. When the companion has a mass of around 1Mg
or less, the binary is classed as a “low mass” system. Her X-1 and Cyg X-2 are

examples of low mass x-ray binaries.
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Figure 1.8: Distribution of x-ray sources in galactic coordinates (from Forman et al.
1978).

The evolution of an x-ray binary is more complex than that of an isolated radio
pulsar because of the mass transfer between the two stars. A typical binary system,
of interest to gamma-ray astronomers, would comprise a main sequence or post main
sequence star and a pulsar. The pulsar would most often be a highly magnetized
rotating neutron star, formed as the result of a supernova explosion. More than 50
binary pulsars have been observed with x-ray periods from ~ 50ms to ~ 1000s.

The emission of radiation from these systems is assumed to be powered by the
accretion of material onto the neutron star. The accreting material may be from the
stellar wind of the companion or because of the Roche lobe overflow of the
companion. In the case of Roche lobe overflow the companion fills its Roche lobe
causing material to flow through the inner Lagrange point. The large angular
momentum of the accreting material causes an accretion disk to form around the
neutron star. In the case of stellar wind accretion, the gravitational field of the
neutron star captures matter from the stellar wind of the companion. The accreting
material may not have sufficient angular momentum to form an accretion disk. This
may lead to spherical accretion, although the exact nature of the accretion will
depend upon the flow of the stellar wind and the magnetic field of the neutron star.

The magnetic field of the neutron star will funnel accreting material onto the
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poles of the star. As the material decelerates it is heated producing thermal x-rays.
The large gravitational potentials associated with neutron stars produce accretional
luminosities that are typically in the range 10% to 10°® ergs/s. To a good
approximation the x-ray luminosity, L,, of an accreting binary system will be given
by the rate at which accreting material is losing gravitational potential energy :
L, ~ GMM, erg s~
R.

where M, and R, are the mass and radius of the neutron star and M is the rate of

1

(1.10)

mass transfer from the accretion flow. The maximum luminosity available from
accretion is given by the “Eddington luminosity”, Lg4. The Eddington luminosity
occurs when the gravitational force on the accreting material is balanced by the

outward radiation pressure. For spherically symmetric accretion

M,
Lgs = 1.3 x 10381\—{(;erg s~ (1.11)

VHE Gamma-ray Production in Binary X-ray Systems

Several models have been proposed to explain the production of gamma-rays
with energy greater than 1TeV in x-ray binary systems. All models rely on the
production of energetic particles which then radiate or interact with other matter to
produce gamma-rays. Here the models will be discussed in two broad classes,

dynamo models and shock acceleration models.

Dynamo Models

Section 1.4.3.1 described a mechanism for accelerating particles to high energies
in isolated pulsars (Cheng et al. 1986a). Cheng and Ruderman (1989) have
suggested that this model may be extended to pulsars in accreting binary systems. It
is not clear, however, if the ambient gas in the environment of a binary system would
quench the gaps in the pulsar magnetosphere where particle acceleration occurs.

Chanmugam and Brecher (1985) have suggested a “disk dynamo” model for

particle acceleration based on a model for accreting black holes by Lovelace (1976).

21



Acceleration is due to a potential set up across the accretion disk by the interaction
of the magnetic field of the neutron star and the magnetic field of the accretion disk.

The maximum energy that a particle will attain is given by

3 5
E ~3.5 x 10"B, L eV (1.12)

Gaisser (1990)

where By, is the surface field of the neutron star in units of 102G and Lag is the
luminosity in units of 10%® erg/s. This model would only provide large potentials for

low magnetic fields, and so would not appear to work for systems such as Her X-1.

Shock Acceleration Models

During shock acceleration kinetic energy is transferred from a moving
magnetized plasma to an individual particle. The particle suffers a series of
collisionless scatterings, gaining energy as it crosses back and forth across the shock.
Shock acceleration is known to be an efficient method of accelerating particles to
high energies. A number of models have been proposed that involve shock
acceleration in different regions of accreting binary systems.

Eichler and Vestrand (1985) have proposed that shock acceleration could take
place where matter accretes onto the neutron star surface. A collisionless shock is
expected to form above the surface, and could provide an environment for
accelerating particles up to PeV energies. Charged particles are assumed to scatter
back and forth across the shock, gaining energy with each crossing. One problem
with this model is that charged particles ejected from the acceleration region would
be drawn to the surface of the neutron star by the strong magnetic fields of the star.
Kazanas and Ellison (1986) have suggested that the accelerated particles would
interact with the dense plasma in the shock, producing neutrons which could then
escape the acceleration region. This accretion shock mechanism appears to be feasible
only if the magnetic field of the neutron star is not too high (Nagle et al. 1988).

Quenby and Lieu (1987) and Kiraly and Meszaros (1988) have proposed a “jet

termination shock” model. Here a jet of near relativistic particles generated at the
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pulsar produces a shock as the jet collides with accreting matter further out from the
pulsar. Depending on the geometry of the beam and the strength of the magnetic
fields, particles accelerated in this shock could reach PeV energies.

Another possible source of acceleration is in a “pulsar wind shock” (Gaisser et
al. 1987). The shock forms at the interface of a relativistic wind of particles, driven
by the pulsar, and the inside of the supernova remnant. In a binary system the shock
would occur with the interaction of the pulsar wind and the wind of the companion,
or with the atmosphere of the companion itself (Harding and Gaisser 1989). Bignami
et al. (1977) originally suggested this mechanism as an alternative to accretion for
producing x-ray emission in binary systems. The pulsar wind shock model would
appear to be viable for only those systems containing a neutron star that was
rotating sufficiently rapidly. If the claims of a 12ms pulsar in Cyg X-3 are correct
(Chadwick et al. 1985), then this mechanism could be possible in the Cyg X-3 binary

system.

1.4.3.3 Active Galactic Nuclel

Active galactic nuclei (AGN) are galaxies whose radiation is dominated by a
bright central nucleus. AGN comprise about 2% of all observed galaxies. Depending
upon their emission characteristics, AGN are classified into groups which include
sources such as quasars, Fanaroff-Riley radio galaxies, BL-Lacertae objects and
optically violent variables (OVV).

It is believed that AGN are powered by accretion of matter onto a massive
black hole (M > 10®Mg) (Rees 1984). Radio observations of some AGN show that
jets of energetic electrons are emitted from the central regions of these galaxies. It is
now believed that many classes of AGN are the same type of source, but viewed at
different angles with respect to these jets (Dermer and Schlickeiser 1992).

Of most interest to gamma-ray astronomers are AGN classed as blazars, which
include BL-Lacertae objects and OVV. Blazars are characterized by strong optical
polarization, rapid optical variability and flat spectrum radio emission. It is believed
that blazars are AGN whose jets are aligned toward us. Of the 14 extra-galactic

sources of gamma radiation seen in early EGRET data, all show evidence of blazar
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Name Galactic S$(2.7 GHz) a(2.7 to

location* Typet z Wy) 5 GHz)
Mkn 421 1101 + 384  BL Lac 0.031 057 -0.32
3C 273 1226 + 02 SL 0.158 38.9 -0.05
3C 279 1253 - 05 OWV/SL 0.538 112 -059
3C 454.3 2251 + 158 SL 0.86 10.0 -137 !
PKS 0537 - 441 0537 - 441 BL Lac 0.894 3.84 002 i
PKS 0420 — 014 0420 - 014 0.915 2.15 0.01
PKS 0235 + 164 0235 + 164  BL Lac/SL 0.94 1.94 -059
PKS 0208 — 512 0208 - 512 1.003 3.56 017
CTA 102 2230 + 11 SL 1.037 5.3 0.67
4C 15,05 0202 + 149 1.202¢ 30 043
4C 38.41 1633 + 38 1814 253 ~-0.78
0G 147 0528 + 134 1.928t 297 ~0.43
0836 + 710 0836 + 710  SL 216 3.15 039 1
0716 + 714 0716 + 714  BL Lac/SL(?) ? 0.98 -022 |

Figure 1.9: AGN detected above 100MeV by EGRET (adapted from Dermer and
Schlickeiser 1992).

properties at other wavelengths (see figure 1.9) (a more complete AGN source list
will be available in Fichtel (1994) containing 21 definite and 10 possible AGN seen
by EGRET). Of the 14 EGRET sources in table 1.9 only one, Markarian 421, has
been seen at VHE energies (Punch et al. 1992). The interaction of VHE gamma-rays
with the cosmic microwave background limits those sources that can be seen at these
energies to only the closest AGN.

A number of models have been proposed to explain the production of
gamma-rays from AGN. It is generally believed that gamma-ray production occurs in
the radio jets of AGN (Dermer and Schlickeiser 1993). Energetic electrons in the jets
produce gamma-rays by Compton scattering with either photons emitted from the
accretion disk (Dermer et al. 1992) or from scattered UV photons (Sikora et al.
1993). The predicted angular distributions of gamma-rays produced in the jets
suggests that AGN whose jets point directly toward us would be weaker sources than

those viewed at a slight angle (Dermer et al. 1993).

1.5 Hercules X-1

Hercules X-1 was first seen in 1938 (Hoffmeister 1941) as an irregular variable
optical star. Studies of archival plates indicate that optical activity switches between

high and low activity roughly every 10 years (Jones et al. 1973). Her X-1 lies 5.8 kpc
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from Earth and about lkpc above the galactic plane. Being unobscured by the dust
of the galactic plane it has been studied over a large range of wavelengths, from
infra-red, optical, ultra-violet and x-ray to VHE and UHE gamma-ray.

Hercules X-1 is thought to be a close, low mass X-ray binary. The system
comprises a 1.3 Mg neutron star and a 2.18 Mg companion orbiting at a distance of
approximately 9 Rg. The low inclination of the orbit causes the neutron star to be
completely eclipsed by its companion once each orbit.

The Hercules X-1 system is a strong x-ray source, with most of the energy
(bolometric luminosity=2 x 10%° W) emitted as x-rays. X:rays from Her X-1 were
first seen more than 20 years ago and it is now the best studied of all x-ray binaries.

Hercules X-1 has not been seen at high energies by SAS-2 or COS-B satellites,
and so far it has not been seen by the EGRET detector aboard the GRO.

1.5.1 X-ray Observations of Hercules X-1

The x-rays from Her X-1 are due to thermal emission powered by the accretion

of matter from the companion onto the neutron star. At x-ray wavelengths Her X-1

displays three distinct periodicities

e a 1.24s periodicity associated with the rotation of the neutron star.
e a 1.7 day binary orbital period.

e a less well defined 35 day period.

The 35 day period is characterized by three different states of x-ray emission. During
the first 11 days of the 35 day cycle the x-ray emission is in a “high on” state, there
is also a “low on” state lasting for several days in the middle of the 35 day phase.
For the rest of the 35 day cycle the x-ray emission is turned off.

During the high on state the 1.24s period shows a strong main pulse and a
much weaker interpulse 180° from the main peak. During the low on state the main
peak and the interpulse are of similar intensity (see figure 1.10).

There have been a number of models proposed to explain the 35 day cycle of

Her X-1. Trimper et al. (1986) have proposed the precession of the neutron star
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Figure 1.10: X-ray light curves for Her X-1 during low on state (top) and high on state
(bottom) (from Petterson et al. 1991).

with a period of 35 days. More recently Petterson et al. (1991) have explained the 35

day cycle in terms of the precession of a twisted tilted accretion disk.

1.5.2 VHE and UHE Gamma-ray Observations of Hercules
X-1

Hercules X-1 was first seen at VHE energies by the Durham group in April
1983 (Dowthwaite et al. 1984). The observation was made using four air Cerenkov
telescopes (threshold energy ~ 1 TeV) located at Dugway, Utah. During a series of
40 minute drift scans they found a 33% counting rate increase that lasted for three
minutes. A period analysis indicated a strong modulation at the known X-ray pulsar
period. The overall statistical significance of the pulsed detection was estimated to
be 7 x 107 and the time of the excess corresponded to an orbital phase of 0.76.

X-ray data taken shortly after this indicated that Her X-1 may have been at the
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beginning of its 35 day cycle. The peak gamma-ray flux of this observation was

1.2 x 107 photons cm™2s~! corresponding to a gamma-ray luminosity above 1TeV of
8 x 10% erg s™'. Further observations of Her X-1 by the Durham group in July and
October of 1983 did not show any significant emission.

During the same observing season Her X-1 was observed above 500 TeV by the
Fly’s Eye detector (Baltrusaitis et al. 1985). A period analysis was performed on 5
nights of data (July 10-14) that showed only a small signal. Only one of the nights,
July 11, showed a significant signal at the X-ray period. This observation, lasting 40
minutes, was at orbital phase 0.66 and 35 day phase 0.63 and had a statistical
significance of 2 x 10™*. A simultaneous observation of Her X-1 at lower energies by
the Durham group did not confirm this result.

Hercules X-1 was observed extensively by the Whipple air Cerenkov telescope
from 1984 onwards. Between 1984 and 1988 observations were made with the
medium resolution camera, and with the high resolution camera from May 1988 (see
section 4.2.2). An early analysis of this data indicated pulsed emission from Her X-1
in about 10% of observations. Included in these data were three apparently very
significant results confirming the emission of VHE gamma-rays from Her X-1. On
April 4, 1984 both Whipple and Durham saw emission at the X-ray period lasting
about 30 minutes (Chadwick et al. 1987, Gorham et al. 1986a). Her X-1 was in its
high on state (phase 0.2) and at orbital phase 0.4. The Durham group estimated the
statistical significance to be 3 x 1072, and 8 x 10~* for the Whipple group. On June
16, 1985 a pulsed signal with a period blue-shifted from the X-ray period was seen
after the eclipse of the X-ray source (orbital phase 0.914-0.962)(Gorham et al.
1986b). The 35 day phase was 0.36 and the statistical significance was estimated to
be 4 x 107°. During the period May-July 1986 there were three independent
detections of the blue-shifted emission from Her X-1. Haleakala (Resvanis et al.
1988), Whipple (Lamb et al. 1988) and Los Alamos (Dingus et al. 1988) all reported
emission blue-shifted by 0.16% from the known x-ray period. The statistical
significances of these observations were respectively 7 x 1073, 3 x 1072 and 2 x 10~
The energy threshold of the Los Alamos array was 50TeV, while the thresholds of
Haleakala and Whipple were less than 1TeV.
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Despite the availability of camera data for the Whipple group, no image
analysis was used in the original reports of emission from Her X-1. Reynolds et al.
(1991) have more carefully analyzed the Whipple data set, including the effect of
image cuts on the signals already reported. The results of this work have cast doubt
on some of the earlier claims of positive signals from Her X-1. Reynolds et al. split
the data set into non-overlapping 30 minute intervals. A Fourier analysis was
performed on these segments at the expected x-ray period and the distribution of
Rayleigh powers was compared to the calculated background distribution. For the
medium resolution camera data a Fisher test yielded a chance probability of 5 x 1073
that the two distributions came from the same parent distribution. When image
analysis was performed on this data, the distribution of Rayleigh powers showed no
significant difference between the signal and background regions. The failure of the
image cuts to enhance any signal in the uncut data led to the conclusion that no
gamma-rays were emitted from Her X-1 at the X-ray period.- An a posteriori test for
emission blue-shifted from the X-ray period yielded a nominal statistical significance
of 2.0 x 107°. Once again image analysis of this data failed to increase the
significance of this result. The data base for the high resolution camera was analyzed
in a similar fashion. There was no statistically significant signal either before or after
image cuts were applied.

As mentioned previously, the Whipple data set contained two examples of
apparent periodic signals that were also seen by other groups. Reynolds et al. have
examined these episodes in detail. The data of April 4 1984 has been re-examined,
and the results cast some doubt on the presence of a genuine signal. The actual
significance of the result before image analysis was increased by combining the
measured DC excess (2.00) and the Rayleigh power at the X-ray period. It was
found, however, that an image analysis reduced the significance of both the DC and
pulsed excesses.

The Whipple data from the detection of the blue-shifted emission reported by
Haleakala, Whipple and Los Alamos was also examined. The overall significance of
the three detections may be as low as 8§ x 1077, but the two experiments capable of

identifying gamma-ray showers did not see gamma-ray like events in their data. For
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the Whipple group these events did not produce gamma-ray like images, and for the
Los Alamos group the muon content of the events was far larger than expected for
gamma-ray induced EAS. This has led to some speculation about the existence of a
new low mass, long lived neutral particle. In the most recent observations of Her X-1
(Reynolds et al. 1993) the Whipple group used an enhanced image analysis
(“supercuts”) to search for gamma-ray emission. No evidence for steady emission
from Her X-1 was seen with an upper limit on the flux of 3.3 x 102 c¢m—25~!.

There have been a number of reported episodes of low significance emission
from Her X-1. At air Cerenkov energies (E> 1TeV), both the Haleakala (Austin et
al. 1990) and Babha (Rawat et al. 1990) groups have reported bursts containing
events pulsed at or near the X-ray period. A long term flux of 1.8 x 10~3 ¢m—2g~1
above 200 TeV has been reported by the Baksan group (Alexeenko et al. 1990). The
Leeds group report a 1.70 DC excess over three years at a median energy of 1.2 PeV
corresponding to a flux of 1.3 x 107 ecm™2s™! (Bloomer et al. 1990). The
observations of the Leeds group also shows some evidence for sporadic emission. The
largest daily excess corresponded to a significance of 5 x 1075,

Reports from some more recent array experiments suggest that Her X-1 has
turned off at UHE energies. The CASA-MIA detector, with a median energy of 140
TEV, has been collecting data since April 1991. An analysis of a data set containing
over 400 million events shows no evidence for steady emission or bursts on timescales
of 1 transit for those events from the direction of Her X-1 (Borione et al. 1993).
Data from the CYGNUS array, taken from April 1986 to January 1993, have been
analyzed. Searches for enhanced emission were made on a large number of timescales
from 3.3 minutes to 1458 days. No significant excess was found. A variety of period
tests were performed around the X-ray period for each time interval but no
significant episodes were seen (Alexandreas et al. 1993).

In summary, there are a large number of reported detections of neutral
radiation from Her X-1 at both VHE and UHE energies. The failure of events
apparently from Her X-1 to appear “gamma-ray” like has cast doubt on some of

these claims. Despite the increasing sensitivity of detectors, recent observations do

not confirm earlier reports of emission from Her X-1.
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1.5.3 Period Shifted Emission from Hercules X-1

In the previous section there was a reference to blue-shifted emission seen by
three independent observatories (Haleakala, Whipple and Los Alamos). Each group
reported pulsed emission at a period blue-shifted by 0.16% from the X-ray period of
Her X-1. The amount of blue-shifting is significantly different from the X-ray period,
which is known very accurately. It is assumed, therefore, that the period shifting
does not reflect the true spin rate of the pulsar, but rather is associated with the
gamma-ray production mechanism. There have been a number of other reports of
period shifted emission from Her X-1 (Weeks 1989). The majority of these
observations report emission that is blue-shifted from the x-ray period.

In this section I will discuss three models that have been proposed to explain

period shifted gamma-ray emission from Her X-1.
Aharonian and Atoyan (1991)

In the model of Aharonian and Atoyan the period shifted emission is caused by
clouds of matter ejected by the companion star HZ-Her. These clouds, of mass 10*2g
to 10%g are ejected from the surface of the star with initial velocities of
~ 3 x 107cm s~ by some unknown mechanism. It is supposed that these clouds
provide a target for particles accelerated at the neutron star. These particles are
scattered by the tangled magnetic fields of the cloud and interact with the matter in
the cloud to produce gamma-rays. The relative motion between the cloud, the source
of accelerated particles and the observer causes the period shifting of the gamma-ray
signal (double doppler shift). Depending upon the motion of the cloud the
gamma-ray signal could be either red or blue-shifted. A gamma-ray signal could be
seen at any orbital phase, including when the pulsar is eclipsed by its companion.
Aharonian and Atoyan predict that this mechanism could produce period shifts of
the order of 0.1%. The duration of emission would be limited to the lifetime of the
cloud under intense heating by the particle beam. The typical lifetime of such a

cloud would be of the order of one hour.

While this model does predict many of the features of the observed period
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Figure 1.11: Schematic diagram for the production of period shifted emission from
Her X-1. The diagram shows the successive illumination of a small chunk of matter,
with time increasing from left to right (from Slane and Fry 1989)

shifted emission it does seem to fail in one respect. If the clouds are ejected
randomly we would expect a different period shift from each cloud. This is in
contradiction to the observations of Haleakala, Whipple and Los Alamos, who saw

emission at the same blue-shift over a period of several months.

Slane and Fry (1989)

Slane and Fry suppose that turbulence near the inner edge of the accretion disk
ejects chunks of matter from the accretion disk. This matter sits above the accretion
disk in an orbit of period Py around the neutron star. In general Py will be different
from the rotational period of the neutron star P,,. These clouds of matter then act
as targets for a wide fan beam of particles accelerated at the neutron star. The
observed period of gamma-ray emission is then the rotational period of the rotating
matter rather than the rotational period of the neutron star (see figure 1.11). If the
target material remains in a stable orbit for a large number of rotations then the

length of the emission time will be given by

A9 /1 1\
r=c (P_k _ g) (1.13)
where Af is the angular width of the fan beam of particles. Typically 7 would have a

value of 10® seconds.
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Figure 1.12: Protons accelerated in the gap are directed by the magnetic field onto the
accretion disk. Those protons striking the low density bubble will produce observable
gamma-rays. The movement of the window will cause the gamma-rays to be blue-
shifted from the period of the protons.

The rotating chunks of matter will eventually become trapped in the magnetic
field lines of the neutron star, and will co-rotate before being accreted onto the
neutron star. Slane and Fry estimate that their model could produce period shifts of
the order of 0.1%.

As with the model of Aharonian and Atoyan, this model would seem to have

difficulty in producing period shifted emission at the same period over large

timescales.

Cheng and Ruderman (1989)

The model of Cheng and Ruderman assumes that the accretion disk itself acts
as a gamma-ray production target. A beam of accelerated particles is bent by the
magnetic field of the neutron star onto the accretion disk (see figure 1.12). Normally
the accretion disk would be too thick for the gamma-rays produced to escape. If a
low density “bubble” were to travel down the accretion disk this would provide a

window from which gamma-rays could be observed. Blue-shifting of the signal would
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be due to the movement of the bubble toward the neutron star and the changing
geometry of the particle beam needed to illuminate the target. The speed of the
window would be determined by the radial inflow rate of the accretion disk. The
duration of gamma-ray emission would be given by the traversal time of the window
through the inner disk region. Such a model could provide blue-shifted emission up
to 0.1% for periods of the order of 102 seconds.

It is not clear if the same blue-shifted period could be sustained for a sequence
of such windows. Presumably if the accretion flow rate were constant, windows

traversing the disk at different times would show the same blue-shifted gamma-ray

emission.

1.5.4 Gamma-ray Emission from Her X-1 During Eclipse

In section 1.5.2 it was mentioned that the Whipple group had reported pulsed
emission from Her X-1 during eclipse (Gorham et al. 1986b). This claim was made
from a two hour observation on June 16, 1985. Period analysis showed pulsed
emission for about 4300 seconds only after the eclipse of Her X-1 by its companion
HZ-Her. The pulsed signal was blue-shifted from the X-ray period by 0.075%.

Gorham et al. conclude that line of sight emission from Her X-1 could not
explain this observation. Using a reasonable model for the atmosphere of HZ-Her
predicts that a primary proton beam could produce observable gamma-rays through
the limb of the companion for only 7 minutes after the onset of eclipse.

Gorham and Learned (1986) have proposed a “beam steering” model to explain
the observation of June 16. They argue that a proton beam accelerated at the
neutron star could be bent onto the limb of HZ-Her by the stellar magnetic field.
Protons entering the outer limb of the star with trajectories pointing toward earth
would encounter favorable conditions for producing observable gamma-rays (see
figure 1.13). As Her X-1 goes deeper into eclipse the energy of protons that could
produce observable emission decreases. The secondary particle multiplicity requires
protons of energy greater than 10TeV to produce gammarrays of the energy of 1TeV.

This mechanism will also produce gamma-rays on eclipse egress, although for a
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Figure 1.13: The trajectories of protons emitted from Her X-1 that are capable of
producing gamma-rays observable at earth. The protons have logarithmically varying
energy from 4TeV (most deflected) to 140TeV (least deflected). The surface field of
HZ-Her is assumed to be 0.1 G (from Gorham and Learned 1986)

shorter period of time.

This model does not predict that the gamma-ray signal will be blue-shifted
from the period of the primary proton signal. In fact the increasing path lengths of

the protons as Her X-1 goes deeper into eclipse will give rise to a small red shift in

the gamma-ray signal.
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Chapter 2

Extensive Air Showers

2.1 Introduction

Observations of primary gamma-rays and cosmic rays at VHE energies are only
practical through the study of extensive air showers (EAS) generated as the primary
particles interact with the Earth’s atmosphere. The dissipation of the energy of the
primary into less energetic secondaries with a broad lateral spread increases the
effective collecting area of a ground based detector. The penalty for this increase in
collecting area is the loss of direct information about the properties of the primary
particle. The complexity of the development of EAS means that properties such as
primary energy and composition are difficult or impossible to determine with
certainty from any ground based detection.

This chapter will include a basic discussion of gamma-ray and cosmic ray initiated

EAS.

2.2 Cosmic Ray Initiated EAS

A primary cosmic ray entering the atmosphere will interact with an air
molecule well before sea level. The interaction length for a primary containing N

nucleons is given by
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Am,,

AN =

(2.1)

ON—air

where A=14.5 is the average atomic mass number of an air molecule and my, is the

proton mass. on_q is the primary cross section in air and can be parameterized by

ON—air = TR2(14.55 + N3 — §) (2.2)

where ¢ = 1.12 and Ry = 1.47 fm (Westfall et al. 1979).

If the primary is a proton the interaction length is energy dependent and can be

described by

E, T V —0.065
Ap = 67.2 (—(16‘;—)) gem™> (2.3)

(Dawson 1985).

If the primary is an iron nucleus the interaction is essentially independent of energy,

with Ap, = 13gem—2.

The EAS generated by a cosmic ray will be discussed in terms of the three

major components of the shower, namely the nuclear component, the muon

component and the electromagnetic component.

2.2.1 Nuclear Component

A cosmic ray proton at air shower energies is considered to interact with an
individual nucleon in an air nucleus. The energy lost in this collision goes mainly.into
the production of pions and some kaons. This process, known as pionization, creates
the particles that will feed the muonic and electromagnetic components of the
shower. The fraction of energy, K , expended by the incoming particle in a collision
is termed the inelasticity, and the number of new particles created is the multiplicity.
The incident proton, and perhaps some energetic nucleons from the target nucleus,
constitute the fragmentation region of the nucleonic cascade. The particles of the
fragmentation region will continue to interact with air nuclei until their energy drops
beneath the level needed to generate multiple pions. Once beneath this energy the

fragmentation particles will be rapidly attenuated by ionization.
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The three types of pion , 7% 7+ 7~ are produced in roughly equal numbers.

The 7%, with a half-life of 7.6 x1077 s, decay almost immediately via

7r0-—)ﬂy+fy

The photons produced by this decay go on to initiate the majority of the
electromagnetic cascade. The 77 and n~ have a half-life of 2.6 x10~% s and may

either decay via

7r+——>,u+—|—l/,£

T o u +7,
or interact further with air nuclei. If a pion interacts it will lose all of its energy in
the collision (inelasticity=1). The interaction length of a pion in air is about
120gcm™2 at 0.1 TeV, decreasing for increasing energy. The balance between the
interaction or decay of a pion is governed mainly by its depth in the atmosphere.
The interaction cross section of the neutrinos produced is extremely small, and they
are assumed to play no further part in the development of the shower.

Kaons are produced in the nuclear interactions at around one tenth the rate of
pions, with all four species of kaon being present: K+ K~ K° ,7?0. The two neutral
kaon species are differentiated in terms of their decay mode. As with the pions,
kaons may either interact or decay through a number of channels, producing pions,
muons and electrons.

For a cosmic ray that is a nucleus the simplest treatment of the nuclear
interaction is the superposition model (de Beer et al. 1966). In this model a nucleus
of mass number A and energy E is assumed to interact as A separate protons of
energy E/A. A nucleus interacting in this way will generate an extensive air shower
that develops much more rapidly than that of a proton of energy E. The
superposition model predicts that the averaging of the showers produced by each
nucleon in a nuclear primary will lead to smaller fluctuations in shower development
than for a similar proton primary. The superposition model (which does not include

nucleon shielding in the nucleus) overestimates the rate of development and

underestimates the fluctuations in the cascade .
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2.2.2 Muon Component

The muon component of an EAS is due mainly to the decay of charged pions
generated by the nuclear interactions at the core of the shower. Small numbers of
muons may also be produced by photopion production and by pair production
(v — ptpm).

Muons lose their energy mainly through ionization and decay. For muons at air
shower energies the rate of loss of energy through ionization is about 2MeV /gem™2,

and is approximately constant with energy. Muons may also decay with a half-life of

2.2 x107% s through

pt — et 4. + v,

b —e +U.+v,
A muon incident vertically at the top of the atmosphere with a Lorentz factor
greater than 20 will have sufficient time dilation to reach the surface of the earth.
Muons of lesser energy will decay, and the electrons produced from this will
contribute in a minor way to the electromagnetic component of the cascade. Muons
may also generate gamma-rays through bremsstrahlung, but the cross section for this
is much smaller than that for the electron, and so can be ignored in the overall
development of the shower.

For EAS generated by primaries of energy 10! to 104 eV, muons are the only
particles that will survive to sea level in detectable numbers. As the primary energy
increases, the particles in the electromagnetic component become relatively more
abundant at sea level than the muons. Even at these higher energies the total energy
carried by the muons is still comparable to that of the electromagnetic component
because of the larger average energy of the muons.

The lateral distribution of the muons in an air shower is much broader than
that of the electromagnetic component. This is due to the height of production of
the muons and also the transverse momentum of their parent particles. The pions

generated in an shower have typical transverse momenta of several hundred MeV /c.

Muons at large core distances can survive to ground level because of their lack of
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catastrophic interaction. Coulomb scattering, which dominates the lateral spreading
of the electromagnetic component, is not significant for the muon, which is about 200

times heavier than the electron. For muons (E>1GeV) the lateral distribution is of

the form

pu(e) o7 (14 k(s’;(,))_“ (24)

(Greisen 1960)
where k is a function of zenith angle () and shower age (s) (see section 2.2.3 for a
description of shower age). For a typical shower above 10'* eV at sea level, electrons
will dominate near the core, but at larger core distances the relative muon abundance

will increase. Beyond 1 kilometer from the core muons will be the dominant particles.

2.2.3 Electromagnetic Component

The majority of the electromagnetic component comes from the decay of neutral
pions generated in the nuclear interactions near the core of the shower. In addition
to this there is some contribution from the decay of muons and kaons.

The main processes that drive the electromagnetic cascade are pair production

vy —ete”

and bremsstrahlung from the acceleration of electrons and positrons in the nuclear
field of atmospheric atoms (from now on “electrons”will refer to both electrons and
positrons).

For bremsstrahlung the energy losses are of the form

s (2.5)

where X is called the radiation length and is 37.15 gcm™?2 in air. The interaction
length for pair production is (9/7)Xo.

Through a succession of these two interactions a high energy gamma-ray or

electron produces a cascade of lower energy photons and electrons. This process will

continue until the energy of the secondaries drops beneath a critical value (E,) when
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Figure 2.1: The energy loss of electrons through ionization or radiation in air as
a function of energy (left). Also shown is the probability per gem™2 of a photon
undergoing Compton scattering or pair production in air as a function of photon
energy (from Rossi 1964).

other energy loss mechanisms will begin to dominate. For electrons E. is defined as
the energy lost through ionization and excitation while traversing one radiation
length. Below E. ionization energy loss begins to rapidly dominate bremsstrahlung
energy loss (fig. 2.1). In air E, is around 85 MeV. As the energy of the photons of
the electromagnetic cascade decreases, energy loss through Compton scattering and
the photoelectric effect begins to dominate pair production. Figure 2.1 shows the
photon energy loss rate for these processes as a function of photon energy.

The lateral distribution of an electromagnetic cascade is dominated by the

Coulomb scattering of the electrons. For multiple Coulomb scattering of an electron

of energy E moving a distance §t

(86%) = (&)2& (2.6)

(see e.g Gaisser 1990)
where 6t is in gem™? and E, ~ 21MeV. The natural unit of lateral spread due to

coulomb scattering is the Moliére unit ro, which is characteristic of the spread of low
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energy electrons in a shower. The Moliére unit is given by

E;
o = -E:X() (27)

which is 9.3 gem™ (about 80m) at sea level.

The lateral distribution of the electromagnetic component can be described by

the NKG function.

o (:_0) o <:_0) 5—2 (:_0 N 1) s—4.5 29

where

_ I'(4.5 - s)
27T (s)T(4.5 — 2s)

C(s)

The NKG function is a theoretical expression for the lateral distribution of a
purely electromagnetic cascade (Nishimura and Kamata 1951) modified by Greisen
(1956) to fit the observed lateral distribution for cosmic ray showers.

The shower age, (s), is a useful parameterization of the cascade development. It is
zero at the start of the shower, 1 at shower maximum and 2 when the shower has
decayed to a single particle.

Measurements of the variation in energy of the particles of a shower with core
distance show that the average energy of the particles decreases with increasing
distance to the core. This is consistent with high energy photons being generated at
the core, these initiate cascades producing lower energy electrons which are Coulomb
scattered away from the core. The presence of an energy source feeding the
electromagnetic component is also indicated by the lack of very high energy
gamma-rays or electrons near the core (Greisen 1960). If no such energy source were

available then a purely electromagnetic cascade with such a soft spectrum would

quickly attenuate.
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2.3 Gamma-ray Initiated EAS

2.3.1 Electromagnetic Cascade Theory

A primary gamma-ray entering the Earth’s atmosphere will generate an
extensive air shower much as for a primary cosmic ray. As the photonuclear cross
section is very small, however, it is expected that the number of mesons and nucleons
produced will be much smaller than for a cosmic ray EAS. The energy of the primary
photon will be rapidly degraded through pair production and bremsstrahlung,
producing a cascade that is mostly electromagnetic in character. The initial
interaction length for the primary will be that of pair production in air. The basic
processes for the propagation of an electromagnetic shower have been discussed
earlier in this chapter.

The derivation of an analytical function for the development of an
electromagnetic cascade that included all relevant processes would be extremely
complex. Using a series of approximations, however, it is possible to explain the basic
features of the cascade development. The simplest treatment is called Approximation
A (Rossi and Greisen 1941). Under this approximation only pair production and
bremsstrahlung are considered. Both processes have an approximately equal
interaction length ~ z,. Following Allan(1971), we define z, as the as the distance in

which half the electrons radiate or half the photons pair produce

exp (;ﬁ) —0.5 (2.9)
which gives z, = zoln2. After n interactions the total number of secondary particles
would be 2" with an average energy of E, /2", where Ej is the primary energy. The
number of particles will grow until the average particle energy drops below the
critical energy E.. Below this energy ionization losses for the electrons begin to
dominate bremsstrahlung losses causing a rapid attenuation in the particle flux.
Using E, = Fy/2™ it is possible to define the depth of shower maximum Tmaz = NIy

in terms of the primary energy and the critical energy :
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F
Tmas = Toln <EO) (2.10)

Despite the simple nature of this approximation it does correctly predict
several important features of the cascade: the initial exponential growth of the
cascade, the relationship between Eq and the height of maximum, and the
relationship between Eq and the number of particles at shower maximum. More
accurate models of the cascade development (Allan 1971) show that the estimate of
the total particle number at X4z

Eq

Nmaa: = ==
E.

is quite accurate. A more detailed analysis for lower (0.1-1.0TeV) primary energies

(2.11)

shows that equation 2.11 overestimates the total particle number by about a factor

of 10. A more realistic estimate of N,,,, at these energies is given by

Npaz = Eo(TeV) x 10° (2.12)

Despite its ability to predict basic cascade development, approximation A is clearly
limited . It gives no account of the distribution of particle energies with depth or of
the fluctuations in particle number. A more accurate analysis of cascade
development, known as approximation B (Rossi 1952), includes an ionization loss of
about 80MeV per radiation length. This leads to a more accurate description of
longitudinal development (Greisen 1956) where the particle number N, is expressed

as a function of primary energy Fo and depth of observation, ¢

0.31

max

Ne (Eo,t) =

exp (t(1 —1.5Ins)) (2.13)

where

tmes = In <%) = (depth of maximum)

[

3t

5= t+ 2t'rn,a.:z:

= (shower age)
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and the depths are expressed in terms of radiation lengths. Once past shower
maximum an electromagnetic cascade will attenuate rapidly with an attenuation
length A.,, ~ 130gcm™2. For cosmic ray showers the attenuation length has been

measured to be slightly longer than this with A, ~ 200gcm=2 (Bird and Clay 1990).

2.4 Gamma-ray EAS vs. Cosmic Ray EAS

The differences between the development of gamma-ray and cosmic ray EAS are
of great interest to observers of gamma-ray sources. The cosmic ray showers form an

unwanted background to observations and any method that can reject them is useful.

2.4.1 Muons

It has been mentioned already that a purely electromagnetic cascade is
expected to be poor in muons. The major process for the production of muons from

electromagnetic cascades is photoproduction

v + nucleus — hadrons

This interaction is similar to a pion-nucleus interaction, with the resulting hadronic
interactions generating pions and kaons which decay to produce muons. The relative
probability of this compared to electron pair production is R ~ 2.8 x 10™3. Another

source of muons from electromagnetic cascades is pair production

v~ ptp”

but the relative probability of this is R ~ 2 x 10~5 that of electron pair production.
Following Gaisser (1990) it is possible to use simple cascade theory to estimate
the number of 1GeV muons generated by an electromagnetic shower. For a primary
of energy Ey the average energy per particle will be 1GeV after n ~ In(Eg/1GeV)
interaction lengths. If a photoproduction does occur in the cascade then the
resulting interactions will be hadronic-like, with the energy split equally between

hadronic and electromagnetic particles. The probability that any branch of the
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cascade will be hadronic at the GeV level is R x InEq/2 (for nR < 1) so that the

number of GeV muons in an electromagnetic cascade will be approximately

NZ ~ 05R1I1E0 X NlGeV (214)

where Nigev is the number of branches in the shower at 1 GeV. Using this simple

model for hadronic showers gives the number of muons at the 1GeV level as

Nigev
Ny~ Y

which gives the ratio of muons expected in gamma-ray showers to cosmic ray showers

(2.15)

as

~

7\’—% ~ Rln E, (2.16)

For a shower of energy 10'° eV equation 2.16 predicts that a gamma-ray primary will
produce about 10% the number of muons of an equivalent cosmic ray primary. One
of the major limitations of this model is that the cross section for photoproduction is
assumed to be independent of energy. Despite the simplicity of this model it does
give a reasonable estimate of the number of muons expected in an electromagnetic
cascade.

Given the expectation of muon-poor showers from gamma-ray primaries it has
been traditional to make muon cuts when looking at gamma-ray sources. There have
been reports, though, of apparently muon rich on-source events. Dingus et al. (1988)
reported two significant bursts at energies above 50TeV from the compact binary
system Hercules X-1. The observations (made with the CYGNUS air shower array)
showed that the events in these bursts were modulated by a period blue shifted from
the X-ray period of Hercules X-1. An analysis of the events contributing to this
signal showed that they had a larger muon content than background hadronic events.
Observations of Cygnus X-3 above 10'® €V by the Kiel array (Samorski and Stamm
1983) have shown higher than expected muon densities for on-source events. Those
events that were modulated by the 4.8 hour orbital period of Cyg X-3 were shown to

have a muon content two thirds of that of the background hadron events. A similar
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muon density was found in a signal from the Crab nebula (Dzikowski et al. 1981) at
an energy of around 10'® eV. In contrast to these results is the detection of Cygnus
X-3 by the EAS array at Akeno (E> 6 x 10 eV )(Kifune et al. (1986), where the
4.8 hour orbital period was found in only the muon poor events (N,/N. <0.001).
Other apparently high muon content on-source events have been seen from the
SUGAR array . SUGAR was a muon sensitive air shower array, with a threshold
energy of ~ 10'7eV. It is expected to have a poor response to muon-deficient showers,
but there are indications of on-source excesses from two X-ray binaries, LMC X-4
and 2A 1822-37.1 (Meyhandan et al. 1992, Clay et al. 1992).

In the light of these detections more detailed work was done on the expected
muon production from gamma-ray initiated EAS. Edwards et al. (1985) and others
concluded that the original estimates of muon number were correct (assuming a
logarithmic increase of both photon-nucleon and proton-nucleon cross sections). One
way of enhancing the muon content is to assume that photon-nucleon cross section
increases rapidly with energy. For primaries of relatively low energy (<PeV) this will
not greatly enhance the muon content. The primary energy is rapidly degraded to a
level where the o._,;, is much smaller. The production of low energy muons is largely
independent of any increase in o.,_,;, (Chatelet et al. 1990) because the majority of
these muons are produced deep in the atmosphere by low energy photons.

Using a 0y_air due to Duke and Owens (1982) (fig. 2.2) Krys et al.(1991) showed
that at >PeV energies gamma-rays can produce muons in similar quantities to
protons. At lower energies the predicted muon number drops to that of the standard
model discussed earlier. If the first interaction of a primary gamma-ray is
photonuclear then the cascade that develops is indistinguishable from a hadronic
cascade. The probability of this OCCUITING 18 Oy—gir [ Tpair production.

Experimental measurements seem to disagree with a rapidly increasing cross
section. Dumora et al. (1992) showed that the muon to electron ratio predicted by
such a cross section is incompatible with measurements made at sea level. Although
some objections could be overcome by assuming a certain primary composition,
Dumora et al. believe that a rapid increase in o,y_q;, can be ruled out for energies up

to 1-10 PeV. For extremely high energy showers E > 108 ¢V it is predicted that the
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Figure 2.2: [DO] is the estimate of photonuclear cross section o.,_;, due to Duke and
Owens (1982) as a function of interaction energy E. The dashed line is the proton air

cross section op_4, (from Dumora et al. 1992).

numbers of muons generated by gamma and proton primaries will be approximately

the same (Aharonian et al. 1991) even without a drastic increase in Oy—air.- Although

the numbers of muons are similar at this energy it is expected that the spectrum of
muons produced by a gamma-ray primary will be much softer than for a proton

primary.

2.4.2 Lateral distribution

In addition to muon cuts, shower age cuts have also been applied to enhance
gamma-ray signals. A primary gamma-ray has a shorter interaction length in the
atmosphere than a proton primary. A gamma-ray cascade will also develop more
rapidly because the entire energy of the primary is fed into the electromagnetic
cascade in the first interaction. For a cosmic ray primary the electromagnetic

component is fed continually from pions generated by hadronic interactions. It is

expected, therefore, that the shower age will be greater for gamma-ray induced EAS

than for cosmic ray induced EAS of the same shower size.

Several groups have tried, with apparent success, to enrich the gamma ray
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signal of source detections . Some examples of an age cut apparently enhancing a
signal are for Cygnus X-3 (Samorski and Stamm 1983 ,Tonwar et al. 1988) and Vela
X-1 (Protheroe et al. 1984, van der Walt et al. 1987, Suga et al. 1985). Age cuts
have also been used to enhance signals from Cygnus X-1 and the Crab at 100TeV
(Khristiansen et al. 1990, Gupta et al. 1990) . In contradiction to these results are
observations of Cyg X-3 (Lloyd-Evans et al. 1983) where no age cut was used and
Kifune et al. (1986) which showed no signal enhancement with age cut.

Monte Carlo simulations of gamma-ray and proton induced cascades have cast
some doubt on the use of the age parameter for selecting gamma-ray events. Studies
by Fenyves (1985) conclude that shower age is not useful for identifying gamma-ray
primaries of energy 10'* — 10'® eV. This work predicts that the shower age of
gamma-rays is closer to that of cosmic rays than had been previously predicted and
that the age varies greatly from shower to shower. Similar work by Hillas (1987) and
Cheung and MacKeown (1988) with Monte Carlo simulations gave the same results.
It should be noted however, that these Monte Carlo simulations do not accurately

reproduce the observed shower age distribution for cosmic rays.
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Chapter 3

The Atmospheric Cerenkov

Technique

3.1 Cerenkov Emission Theory

Cerenkov radiation was first noticed by early workers in radioactivity, who
found that transparent materials would emit bluish white light when placed near
strong radioactive sources. It was Cerenkov in 1934 who began an extensive study of
this light, and shortly after this Frank and Tamm (1937) provided the correct
theoretical interpretation of Cerenkov light.

When a charged particle traverses matter it polarizes the atoms of the material
(see figure 3.1). If the speed of the particle is low compared to the speed of light in
the material then the induced field is symmetric and no radiation is emitted. When
the speed of the particle is comparable to that of the speed of light in the medium
the polarization field is no longer symmetric. As a result of this there will be a net
dipole field set up along the axis of particle travel. At each track element along the
path of the particle these accelerated dipoles will emit brief pulses of electromagnetic
radiation. In most cases the radiation from the different track elements will interfere
destructively producing no net radiation. If the velocity of the particle exceeds the
phase velocity of light in the medium, however, it is possible for wavelets emitted

from all elements of the particle track to interfere constructively. Figure 3.2 shows a

49



Figure 3.1: The local polarization induced in the molecules of a medium by the passage

of a charged particle with low velocity (left) and high velocity (right) (from Jelley
1982).

Huygens construction of such wavelets emitted from a particle track. At a particular
cone angle 6, the wavelets from all parts of the track arrive at a distant point at the
same time and traveling in the same direction to form a coherent plane wave front.
From figure 3.2 it can be seen that the angle of emission of this radiation will be

given by the “Cerenkov relation”

cos 0, = (3.1)

n
where 3 is the particle velocity divided by the speed of light and n is the refractive

index.

From equation 3.1 it is possible to deduce a number of important features of

Cerenkov radiation:

o for a medium of refractive index n, no radiation takes place beneath an energy

threshold for a particular particle :

Bumin = - (3.2)
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e as # — 1 (ultra-relativistic limit), 6, tends to a maximum value ,,,. given by

1
R
b.,... = cos (n) (3.3)

e for most media the dielectric constant will vary with frequency. Cerenkov
radiation can only be produced for n>1. This limits the minimum wavelength

of Cerenkov light to ultra-violet, with no x-rays or gamma rays being produced.

In order to produce Cerenkov radiation, the particle track length in the
medium must be large compared to the wavelengths produced and the particle must
maintain a constant velocity. The emission of Cerenkov radiation is a macroscopic
process involving the medium as a whole, and it is the medium rather than the

particle that emits the light.

The amount of energy E emitted per frequency v for a particle of charge Ze is

described by

[
LN

v<e

Figure 3.2: Huygens construction of radiation emitted from a particle with velocity
less than (left) and greater than (right) the speed of light in the medium. Only if v>c
can the wavelets interfere to produce Cerenkov light (from Jackson 1962).
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- - 1 4
dldy o2 n23? Frank and Tamm (1937) (3.4)

where | is the path length of the particle in the medium. This can be written in

d’E _ A2 7262y (1 1 )

terms of the number of photons N emitted per unit path length

dN  2r2? 1
— 1— d 3.5
dl ~ 137c /ﬁn>1 ( n2ﬁ2) g (3:5)

where e?/hic ~ 1/137 is the fine structure constant. So for a wavelength range

A1 — Ag the number of photons emitted in a track length I by a particle of unit

charge is

2wl 7 1 1 1
V= 6w (-7 (0

It can be seen that the spectral distribution of the Cerenkov light will peak at the

smallest wavelengths that can be produced by the Cerenkov process (ultra-violet).

3.2 Cerenkov Characteristics of EAS

Blackett (1948) was the first to suggest that fast charged particles could
produce Cerenkov radiation in a gas. This was confirmed, firstly in dense chloroform
vapor and later in air. The small refractive index of air leads to a higher Cerenkov
energy threshold and smaller emission angle than for water or glass. From
equation 3.2 it can be seen that for a particle of rest mass my the minimum energy

for Cerenkov production is given by

m002

1—1

n2

Following Jelley (1967) we define the refractive index as n=1+n, where 7 is small

and is dependent upon altitude. If a simple isothermal atmosphere is assumed then n

varies with altitude, z, as

7 =2.9 x 10~ *exp (—i> (3.8)

20
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where 2o > 7.1 km is the scale height of the atmosphere. From equations 3.7 and 3.8

it can be seen that at sea level (n=1.00029)

o Enn (electron) = 21 MeV
e E in (muon) = 4.3 GeV

o E,in (proton) = 39 GeV

Using equation 3.3 we may estimate the dependence of the Cerenkov critical angle on

n by

Oomaz ~ (277)% (3'9)
which gives 0c,,,, = 1.3° at sea level. Compare this to the expected angular
deviation due to multiple Coulomb scattering over one radiation length of an

electron in an air shower of energy, say, 100MeV (from equation 2.6)

(60) rars ~ 12° (3.10)
This implies that the lateral spread of the Cerenkov light from the lower energy
electrons in an extensive air shower will be dominated by the Coulomb scattering of
the soft component and not by the Cerenkov emission angle.
The low refractive index of air leads to a much lower photon yield than for a
more optically dense material. From equation 3.6 the number of visible photons
emitted by a fast particle of unit charge can be estimated by

dN

T 7807 photons per cm of particle track (3.11)

For an electron at sea level each meter of track will produce about 22 visible photons.
Attenuation of Cerenkov photons in the atmosphere is due mainly to three processes :
Rayleigh scattering, aerosol scattering and ozone absorption. None of these processes
causes large transmission losses, making it possible to detect the Cerenkov photons

from small EAS whose particle flux attenuated well above ground level. For a typical

EAS, approximately 50% of the Cerenkov photons emitted will reach ground level.
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Figure 3.3: Typical Cerenkov photon densities on the ground from EAS initiated by
(a) 320 GeV gammarray (b) 1TeV nucleon -both showers incident vertically at sea
level. The shower axis is at the center of each figure and the grid spacing is 50m (from
Hillas and Patterson 1987).

3.2.1 Lateral Distribution

The lateral distribution of Cerenkov light from EAS is of great interest to both
VHE gamma-ray astronomers and cosmic ray physicists. For a VHE gamma-ray
telescope the collecting area is defined by the lateral spread of the Cerenkov light
rather than the physical size of the telescope. Figure 3.3 shows Monte Carlo
simulations of the Cerenkov lateral distributions for typical gamma-ray and cosmic
ray EAS at sea level.

For gamma-ray initiated EAS the Cerenkov lateral distribution is relatively flat
out to distances of about 150m. After this the photon density falls away rapidly
(o< 1/r?), forming a well defined pool of light on the ground. Aside from Poisson
fluctuations the Cerenkov lateral distribution of gamma-ray induced EAS varies little
from shower to shower. For cosmic ray induced EAS the Cerenkov photon density
falls more rapidly with core distance than for a gamma-ray induced EAS. The shower
to shower variations in lateral distribution are also much greater, with sharp peaks

appearing due mainly to Cerenkov light from local penetrating muons.

94



10.0

5.0

L4 A l"""

L] LA 1'1"'
5 CQ
A - 1 lllll‘

A A llllll‘

1.0

0.5

Cerenkov photon density (m?)

041 _]_]_‘_]_I,‘ i 'y AT Y | Y 1 2
5 10 50 100 500

Core distance (m)

Figure 3.4: Contribution to the lateral distribution of Cerenkov light in gamma-ray
induced cascades of energy 100 GeV from electrons of energy (a) > 1GeV (b) < 1GeV

(c) all energies. These simulations are for a wide angle detector at sea level (from Rao
and Sinha 1988).
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Figure 3.5: Cerenkov lateral distributions for gamma-ray initiated EAS seen by a wide

angle detector at sea level for primary energies of (a) 200 GeV (b) 500 GeV (c) 1 TeV
and (d) 2 TeV (from Rao and Sinha 1988).



An interesting feature in the lateral distribution of showers that develop early
in the atmosphere is the Cerenkov “shoulder”. The shoulder is a ring of increased
photon density lying about 150m from the core of a vertical shower. Following Hillas
(1982) we can explain the shoulder in terms of Cerenkov light emitted from energetic
particles moving along the shower axis. These particles will emit Cerenkov light at
the characteristic Cerenkov angle f.. As the particles penetrate deeper into the
atmosphere the Cerenkov angle will increase, but this will be offset by the decreasing
height of production of the light. The combination of these two effects leads to a
focusing of the Cerenkov light. Light emitted between heights of 7 and 20 kilometers
will fall within a ring of radius 110 to 145 meters on the ground.

In reality the focusing of Cerenkov light is dependent upon the particle energy
(see figure 3.4) and depth of observation. Multiple Coulomb scattering of low energy
electrons causes a blurring of the Cerenkov shoulder. Despite this, Monte Carlo
studies indicate that the shoulder should be observable for showers that develop
sufficiently early in the atmosphere. This is largely due to a sharp peak in the
particle distribution parallel to the shower axis consisting of energetic
electromagnetic particles. As the primary particle energy increases and the showers
develop deeper in the atmosphere it is expected that the shoulder will be less
discernible (see figure 3.5). Despite this, Dawson et al. (1989) have verified the

presence of the Cerenkov shoulder at PeV energies.

3.2.2 Angular Distribution

The angular distribution describes the variation in Cerenkov photon density as
a function of angular distance from the shower axis. The first detailed calculations of
angular distribution were done by Zatsepin (1965). This work assumed that the
electromagnetic particles of the cascade were distributed as a Gaussian around the
shower axis. This was later shown to be incorrect, but despite this the basic analysis
of the features of the angular distribution are still valid. For more recent Monte
Carlo calculations of angular distribution see, for example, Fegan (1992). Figure 3.6

shows the Cerenkov photon angular distributions for vertical gamma-ray showers of
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energy 1TeV and 5PeV and proton showers of energy 1.5 TeV and 4.5 PeV with
shower cores at 0, 100 and 400 meters.

For showers observed at the core, the angular distribution peaks at zero
degrees, but for larger core distances the peak of emission lies away from the shower
axis. The angular position of peak emission is seen to be strongly dependent on core
location and weakly dependent upon primary energy. This can be understood by
making the reasonable assumption that most of the Cerenkov emission takes place at
shower maximum. We would then expect, from simple geometry, that the angle of

peak emission would be the angle subtended by the shower axis and a line joining
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Figure 3.6: Angular distributions of Cerenkov light for proton induced EAS (left) and
gamma-ray induced EAS (right) at sea level. The calculations were done by Zatsepin

(1965). (From Jelley 1967).
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Telescope Electron Number
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Figure 3.7: Schematic diagram of how various parts of an EAS will appear in the field
of view of a telescope. The curve on the right describes the change in electron number
with depth. It can be seen that the light emitted lower in the atmosphere will appear

at larger angles.

the detector and shower maximum. By this analysis it is expected that showers of
the same energy (same depth of maximum) will show an increasing angle of peak
emission for increasing core distance. For two showers of different energy at the same
core location (for cores distances >0), the shower produced by the more energetic

primary will have a greater depth of maximum and therefore a larger peak emission

angle.

If the Cerenkov light from the entire shower is considered, then the angular
distribution of photons reflects the longitudinal and lateral development of the

cascade. Figure 3.7 shows how the Cerenkov emission from various parts of the
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Figure 3.8: Isophote patterns for proton initiated EAS at sea level from Zatsepin 1965.

The numbers on the isophotes indicate negative logarithmic intensity of light (from
Jelley 1967).

cascade will translate into angular position in the field of view of a Cerenkov detector.
Light from the top of the cascade will appear at small angles, light from further
down the cascade will appear at increasingly larger angles. Zatsepin (1965) showed
how this would lead to the development of images in the focal plane of a Cerenkov
detector (fig 3.8).

It can be seen that an EAS with its core at the detector forms a circular image
around the center of the field of view. At larger core distances the images are
increasingly elliptical, with the length and width of the image being dependent upon
the lateral and longitudinal position of the Cerenkov emission. Further consideration

of figure 3.7 shows that the major axis of such an elliptical image will point toward
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the apparent source position of the primary particle. The shapes of Cerenkov images
are in basic agreement with image intensifier photographs taken by Hill and Porter
(1961).

It was first suggested by Porter and Long (1963) that it may be possible to
distinguish between gamma-ray and cosmic ray initiated EAS on the basis of their
Cerenkov images. The early work of Zatsepin seemed to show that this would not be
possible (Jelley 1967). It was thought that at high energies (E>10'?) there would not
be a large difference between the Cerenkov images of gamma-ray and cosmic ray
initiated EAS, and that, at lower energies, fluctuations in cascade development
would obscure any differences.

Later work on Cerenkov imaging (Hillas 1985) using more sophisticated Monte
Carlo simulation of EAS has shown that differences between gamma-ray and cosmic
ray images are large enough to be detected. This has led to a method of Cerenkov
imaging that can significantly enhance the gamma-ray signal in VHE Cerenkov

observations (see chapter 4 ).

3.2.3 Design of an Air Cerenkov Telescope

The main problem with observing Cerenkov light from EAS is to distinguish
the faint Cerenkov pulses from the background light signal. If the observation site is
well away from artificial light sources then the majority of the background is from
starlight. The large number of starlight photons collected by a typical air Cerenkov
telescope tends to swamp any noise contribution from the photo-tubes. A 1 TeV
photon primary will produce about 50 Cerenkov photons per square meter within
100 meters of the core at sea level. The contribution from Cerenkov light due to EAS
is about 107* of the total night sky background. Although the average light
contribution from Cerenkov radiation is small, on very short time scales it can
dominate the background light. The time spread of the Cerenkov light front is only a
few nanoseconds, faster than any other astrophysical or atmospheric light variation.
By taking advantage of the short duration of the Cerenkov flashes it s possible to

resolve them against the sky background noise.
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The simplest air Cerenkov telescope is a single large area mirror focusing light
onto a photomultiplier tube. The solid angle subtended by the photo-tube is chosen
to match the angular distribution of Cerenkov light produced by EAS. By coupling
the photo-tube to fast electronics it is possible to exploit the speed of the Cerenkov
flashes by triggering only from those pulses that have very short duration.

Due to the steepness of most gamma-ray source spectra it is optimal to run a
Cerenkov telescope at the lowest possible energy threshold (see e.g. Patterson and
Hillas 1989). The lower limit to the threshold will be determined by the night sky
background (NSB). In most cases the photo-tubes of an air Cerenkov telescope will
operate under photoelectron “pile-up” conditions, where single photoelectrons are
not resolvable. If this is the case then the NSB will appear as a DC offset on which
the air Cerenkov signals will sit. The fluctuations in the NSB will be governed by
Poisson statistics, with additional small fluctuations introduced by the photo-tube.
For a simple Cerenkov telescope consisting of a mirror of area A, focusing light onto
a single photo-tube of quantum efficiency ¢()), the the number of photoelectrons due

to the NSB (ansg) will be

finse = ArQ) / énsa(NT(\)e(A)dA (3.12)

where 7 is the integration time, {2 is the solid angle subtended by the tube and T is
the transmission factor (including mirror reflectivity). The function ¢ysp is the
spectral distribution of NSB photons per unit time per unit solid angle. If we assume
that the majority of transmission loss is due to mirror reflectivity (R), and take

average values for ¢ and € then

NNSB = ATQR6¢NSB (313)

The number of Cerenkov photoelectrons, n, collected by a photo-tube and

mirror from an EAS will be given by

n = p.AeR (3.14)

where p. is the Cerenkov photon density (this assumes that both Q and 7 are large
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enough to collect the entire Cerenkov signal). The signal to noise ratio will be given

by the number of Cerenkov photons detected divided by the fluctuation in the NSB

S pAeR
N~ /ArQRecdnss (3.15)

Figure 3.9 shows a typical pulse height distribution for a simple air Cerenkov

telescope. The line with the steeper slope is caused by triggers due to upward
fluctuations in the NSB. The integral spectrum of NSB seen from a photo-tube is

well described by a power law of the form

Nnsg(> h) = kh™ Jelley(1967) (3.16)

where Nysp(> h) is the frequency of recording of pulses of height greater than A and

Number

T

Pulse Height

Figure 3.9: Typical pulse height distribution for events triggering a simple air Cerenkov
telescope.
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k and v are constants. According to Patterson and Hillas (1989), v lies typically in
the range 8-16. The line with the shallower slope in figure 3.9 is due to the air
Cerenkov signal. The slope of this line should reflect the energy spectrum of the
primaries that generate the EAS Cerenkov signal. The energy threshold of such a
telescope scales as N/S. From equation 3.15 it can be seen that the energy threshold
may be decreased by increasing the mirror area A.

A widely employed technique to reduce the energy threshold of an air Cerenkov
telescope is to use several photo-tubes in fast coincidence. This may be done using
several mirrors, each being viewed by different photo-tubes, or by splitting the
Cerenkov image from one mirror between several photo-tubes. The energy threshold
of such systems will be determined by the rate of “accidentals” (events caused by
chance coincidences in the NSB) that is acceptable for a particular observation. The

rate of accidentals from n photo-tubes can be estimated by

Ra.cc = nTn—l H Rz (317)

=1

where R; is the rate at which each tube exceeds its triggering threshold due to the
NSB (singles rate) and 7 is the coincidence time window. For the best signal to noise

the coincidence time window should be adjusted to the expected length of an air

Cerenkov signal .

3.3 The Bicentennial Gamma-ray Telescope

3.3.1 BIGRAT

The Blcentennial Gamma-RAy Telescope (BIGRAT) is located at Woomera in
South Australia (longitude 136°47' E, latitude 31°06' S). This site is about 500km
north of Adelaide and at an altitude of 160m above sea level. The Woomera
telescope was first commissioned in November 1988 and has been described in detail
elsewhere (Clay et al. 1989).

The original mirrors of the telescope consisted of 55 spherical glass mirrors of

focal length 2.66m arranged in three groups of 10m?. Since 1991 these spherical
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mirrors have been gradually replaced by paraboloidal sections with better focus and
greater collecting area. At the focus of each composite mirror is a detector pod of
three 51mm RCA 8575 photomultiplier tubes. Each tube in the detector pod is in
fast three fold coincidence with its corresponding tubes on the other mirrors (see
figure 3.11). The gating time for the generation of a three fold coincidence is Sus.

The 1.1° subtended by each of the photo-tubes optimizes the amount of
Cerenkov light collected from an air shower compared to the background night sky
(Patterson and Hillas 1989).

In September of 1992 a camera system was installed on the central mirror of
the Woomera telescope. The camera consists of 37 pixels, each pixel being a 13mm
by 13mm square Hamamatsu R4275 photomultiplier (see figure 3.12). The
photocathodes of the camera tubes subtend 0.15° and the centers of the tubes are
separated by 0.3° giving a total camera aperture of 2.5°. The camera is surrounded

by a ring of eight 51mm diameter Hamamatsu R4275 photomultipliers on a ring of

radius 2.2° centered on the middle of the camera.

In addition to the triplet detectors on the outer mirrors, the Woomera
telescope can also be run with single three inch photomultipliers on these mirrors
(see figure 3.11). In this mode the three inch tubes are run in fast triple coincidence
with the inner 30 camera pixels. This detector configuration makes it possible to
record the pulse profiles of events that trigger the system (see chapter 4).

The Woomera telescope is on an alt-azimuth mount and has a pointing
accuracy of 0.1°. Event times are recorded from a rubidium clock with a relative

precision of one micro-second and absolute accuracy of less than a milli-second.

3.3.2 Energy Threshold of BIGRAT

The estimation of energy threshold for an air Cerenkov telescope is notoriously
difficult. In the case of BIGRAT the threshold is determined by the interaction of
over 40 photo-tubes, and the characteristics of each tube are not known exactly.

By definition the energy threshold is the lowest energy primary capable of
producing sufficient Cerenkov light to trigger the telescope. The energy threshold is
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Figure 3.11: The two detector configurations for the Woomera, telescope. The outer

triggering detectors are either triplets of two inch photo-tubes (top), or single three
inch tubes (bottom).

Figure 3.12: The camera system for the Woomera telescope
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dependent upon the type of primary particle and the zenith angle of the observation.
Following Weekes (1976) we define a quantity called the effective energy threshold.
The effective threshold at a particular zenith angle for a given primary particle is the
maximum of e(E)A(E)E™" where ¢(E) is the triggering efficiency, A(E) is the
energy dependent collecting area and N(> E) oc E~7 is the source spectrum. The
effective energy threshold is a convenient and easily identified quantity and is usually
only a factor of two or three higher.than the actual energy threshold.

For BIGRAT the energy threshold is calculated by comparing Monte Carlo
models of the triggering rate of the telescope to the observed event rate. The Monte
Carlo program used is MOCCA (MOnte Carlo CAscade), written by Michael Hillas
(see e.g Hillas 1982). A complete description of the BIGRAT telescope is specified in
the MOCCA program, including mirror setup and detector configuration. EAS are
generated at core Jocations around the telescope out to a limiting radius Ry;pmi:, with
this radius set just beyond the distance at which EAS will trigger the system.
Gammarray primaries are assigned to come from the pointing direction of the
telescope. The cosmic ray directions are assigned randomly within the field of view
out to an angle i, such that beyond 6y;,;; no cosmic ray events trigger the
system. The cosmic rays are selected from the known integral cosmic ray spectrum
(power law exponent —1.65). The gamma-ray spectrum must be selected, and is
usually set to the spectrum of a particular source that is of interest. The rate of
cosmic ray primaries that will arrive in the solid angle Q;m;; defined by 81imit, and
area Ajimi: defined by Ry is given by

E

~1.65
_ -1 -2 -1
R(> E)=0.17 (1TeV> s” m ™%t (3.18)

where E is the minimum energy of primary particle generated by the Monte Carlo
program, and is set below the expected threshold of the telescope. The simulated
cosmic ray events will show the number of photoelectrons seen by the photo-tubes of
the telescope. The coincidence conditions that exist between the tubes in the
detector system must then be applied to each event to see if it will trigger the
system. The photoelectron threshold of each photo-tube discriminator is adjusted

until the rate of triggering of Monte Carlo events is equal to the measured triggering
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rate of the telescope. The same coincidence conditions and discrimination levels for
the photo-tubes can then be applied to the gamma-ray Monte Carlo events to find
the gamma-ray threshold of the telescope. The energy spectrum of Monte Carlo
events that trigger the system, and therefore the effective energy threshold of the
telescope, can then be found. Figure 3.13 shows the energy distribution of
gamma-ray primary and proton primary events that trigger BIGRAT at zenith. In
this simulation the detectors on the outer mirrors are single three inch photo-tubes,
with the camera on the central mirror (see section 3.3.1 and figure 3.11).

It is known from independent measurements that the photoelectron threshold
of the outer three inch tubes is about 20 photoelectrons, much higher than for the
camera tubes. In the simulation program the triggering threshold of the outer tubes
was held constant at this level and the threshold of the camera tubes was varied to
produce the observed triggering rate. It was found that the triggering level of the
camera tubes was 6-7 photoelectrons. From figure 3.13 it can be seen that the
effective threshold of BIGRAT for gamma-rays primaries is about 800GeV, and about
1.2TeV for proton primaries. The threshold of cosmic ray EAS is higher because they
are less efficient at producing Cerenkov light. Unlike a gamma-ray cascade, not all of
the primary energy of a cosmic ray is transferred into the electromagnetic component
(Turver and Weekes 1978). This estimate of effective threshold is not expected to be
particularly accurate. The modeling of the detector does not allow for the response
of each photo-tube, but rather treats the detector as a whole. The large amount of
computer time needed to generate the Monte-Carlo cascades also leads to small
numbers of events and hence a statistical uncertainty in the value of the threshold.

The collecting area of BIGRAT may also be found from the Monte Carlo
simulations. Collecting area on its own is not a particularly useful parameter, as it is
dependent upon the primary energy. It will be useful, however, to compare the
collecting area for different zenith angles (see 3.4). Here we will make an arbitrary
definition of collecting area as the area containing 90% of the showers that trigger
the telescope. Figure 3.13 shows the core location distribution for gamma-ray and
proton EAS that trigger the telescope. From this figure it can be seen that at zenith

the collecting area for gamma-ray primaries is 6.6 x 10*m?, and 9.1 x 10*m? for
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Figure 3.13: The energy and core location distributions of Monte Carlo gamma-ray
and proton primary EAS that trigger BIGRAT at zenith.
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Figure 3.14: Dodaira Telescope

proton primaries.

3.3.3 CANGAROO

In February 1991 the Japanese Dodaira mirror was placed 100m to the east of the
Woomera telescope so that stereo observations could be made of potential VHE
gamma-ray sources. The CANGAROO (Collaboration between Australia and
Nippon for a GAmma-Ray Observations in the Outback) project uses camera
systems on both the Dodaira and BIGRAT telescopes to simultaneously observe
Cerenkov images. The Dodaira mirror has a diameter of 3.8m and it was previously

used for lunar ranging and has much better angular resolution than traditional air
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Figure 3.15: CANGAROO- Dodaira and BIGRAT

Cerenkov mirrors. To take advantage of the excellent mirror surface the camera has
been constructed of square 10mm by 10mm tubes (Hamamatsu R2248). Initially 220
tubes will be used giving a total field of view of 2.7°. The triggering of the camera
and other details of the system have been described elsewhere (Hara et al. 1993,
Kifune et al. 1993). For each coincidence detected by the Dodaira or BIGRAT

telescopes a 4us wide signal is sent to the other telescope. Events which trigger both
systems are flagged for future stereo analysis.

The gamma-ray threshold of the Dodaira telescope is estimated to be
approximately 1TeV and the vertical triggering rate is about 1Hz. Early stereo
observations indicate that the stereo rate between the Dodaira mirror and BIGRAT

is about 10-15% of the BIGRAT triggering rate.

3.4 Sommers-Elbert Technique

The conventional method of operating an air Cerenkov telescope is to look at

sources that are within 45° of zenith. This keeps the energy threshold of the
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telescope as low as possible, which is an advantage for most VHE gamma-ray sources
which have spectra that are softer than the background cosmic ray spectrum.

Sommers and Elbert (1987) have proposed an alternate observing scheme, in
which observations for hard spectra sources are done at extremely large zenith
angles. The advantage of large zenith angle observations is an increase in the
collecting area of an air Cerenkov telescope. As the zenith angle of observation
increases the distance between the point of observation and shower maximum
increases. For Cerenkov light from EAS, which has a typical half angle spread of
~ 1°, the increased distance to shower maximum causes the light to spread over a
much larger area at the observation level. Clearly this will also lead to an increase in
the threshold of an air Cerenkov telescope because the greater spreading of the
Cerenkov light will give a decreased photon density. Large zenith angle observations
allow for the study of gamma-rays over a large range of energies, and also increases
the number of sources that can be studied from an observation site.

Sommers and Elbert derive a rough equation for calculating the distance, D,

between observation and shower maximum (Xmaz) for a particular zenith angle 6

1030
D=(71ln{-"2 ) .
(7 1ln (X awcosﬂ) H) secl (3.19)

m

where H is the height of observation above sea-level. The atmosphere is assumed to

be isothermal and atmospheric depth (X) is calculated by

_ — -2
X =1030exp (*7-11{ ) gem (3.20)
and X, is described by
Xomaz = 361n ( b ) - 2
mas 74Mev ) 8 (3:21)

Using a simple geometrical model, where the Ceerenkov light from EAS is assumed to
be beamed uniformly over a half angle of § ~ 1°, the variation of collection area A

with zenith angle may be described by

A(8) = m(D(6)tan~16)> (3.22)
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We may calculate the threshold energy Fipresn(0) at a zenith angle 6 by assuming
that there are no transmission losses in the atmosphere for Cerenkov light, and that

the number of Cerenkov photons produced is proportional to primary energy:

Ethresh(O)A(o)
A(0)
where Eipren(0) and A(0) are the energy threshold and collecting area at zenith.

Eihresn(0) = (3.23)

To get a more accurate estimate of the variation in collecting area and energy
threshold with zenith angle it is necessary to do Monte Carlo simulations, These
were done by the author using the program and methods described previously (see
section 3.3.1). Figure 3.16 shows the change in energy threshold and collecting area
of BIGRAT with zenith angle for both gamma-ray and proton primaries.

It is possible to estimate how hard a gamma-ray source spectrum must be in

order that the signal to noise ratio at a zenith angle 0 be the same as at vertical.

%(vertical) = %(zenith =0) (3.24)

where

Sy, (E;’)"ﬁ Aj

N, o ((BY)™"Au)}

So o (E)PA°

Ny o (BN AL (3.25)
E; and E; are the threshold energies of the telescope for gamma-rays and cosmic
rays respectively for showers at zenith. Eg and E? are the threshold energies at
zenith angle §. Using the same notation, Ay, A7, Az and A? are the collecting areas
for gamma-rays and cosmic rays vertically and at zenith angle §. The parameter 4 is

the integral gamma-ray source spectrum and 7 is the integral cosmic ray spectrum,

7 = 1.65. Putting equations 3.25 into 3.24 gives

v -B v 1 Y ~1
() -5 (%) (B) 528
E? Av\A?) \E
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Threshold energy vs. Zenith angle
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Figure 3.16: Change in threshold energy and collecting area of BIGRAT with zenith
angle for gamma-ray and proton primary EAS.
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rearranging this for 3
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Using the values of figure 3.16 it is possible to calculate values of 8 such that

observing at a zenith angle 6 gives the same signal to noise as observing at zenith

(see figure 3.17 ).
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Chapter 4

Background Rejection Techniques

It is now over four decades since the first studies of EAS through the
atmospheric Cerenkov technique (Galbraith and Jelley 1953). Early calculations of
the flux of VHE gamma-rays from the Crab Nebula (Cocconi 1959) and other
supernova remnants predicted that these sources would be easily detectable. These
early predictions were found to be optimistic, with measured VHE gamma-ray fluxes
being orders of magnitude less than expected. Despite intensive effort since the first
searches for VHE gamma-rays in the 1960s, progress until recently has been painfully
slow. Researchers in this field have been frustrated by low fluxes, the sporadic and
unpredictable nature of the sources and the presence of an overwhelming background
signal due to EAS from cosmic rays.

In this chapter there will be a discussion of techniques for improving the
gamma-ray flux sensitivity of air Cerenkov detectors. Firstly some general
considerations will be discussed, including a brief mention of some methods of
increasing flux sensitivity. This will be followed by a description of methods of

rejecting cosmic ray events on the basis of the shape of the Cerenkov photon image.

4.1 Sensitivity Considerations

For a steady DC signal the sensitivity of a gamma-ray telescope may be
described by the number of standard deviations, n,, at which the signal is detected.

For a source with an integral spectrum described by F,(> E,) = kyEZ®, with a
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background cosmic ray spectrum Fo(> Ey) = ke ELP) ng is given by

kyEtA,

- (4.1)
Vo EZPtALQ

where A, and A, are the respective collecting areas for gamma-rays and cosmic rays

Ny =

and are assumed to be energy independent. Q is the effective solid angle of the
detector and ¢ is the observing time. From equation 4.1 there are a number of

obvious ways to increase the flux sensitivity of an air Cerenkov telescope and these

will now be discussed.

4.1.1 Increasing Observing Time

For a steady DC source the significance of a detection will increase as Vt. For
an air Cerenkov telescope the amount of time available for observing a source is quite
limited. For most observers a particular source will be visible for only a few months
of the year, and observations during this period will be limited to new moon periods
with favorable weather conditions.

If a source exhibits transient behavior then analyzing data over too large a time
span will tend to wash out the signal. For a pulsed signal the significance will also

increase with observation time if the signal remains phase coherent.

4.1.2 Decreasing Energy Threshold

As previously discussed in section 3.3.2 the Cerenkov photon density for a
gamma-ray EAS is about twice that of a cosmic ray EAS of the same energy.
Assuming that the Cerenkov photon density scales linearly with primary energy,

equation 4.1 may be written as

ol (/Y L 4.2
Ng X Ly A’Y 2_ﬁA Q ( * )

77



From equation 4.2 it can be seen that the flux sensitivity will increase with decreasing
energy threshold if o > /2. Patterson and Hillas (1989) have also shown that
decreasing the energy threshold of an air Cerenkov telescope can lead to significant

improvement in flux sensitivity for sources with steeply falling power law spectra.

4.1.3 Increasing Collecting Area

The flux sensitivity may be increased by increasing the effective collecting area
of an air Cerenkov detector. Cawley (1988) and Patterson and Hillas (1989) have
proposed that this may be achieved by using a number of widely spaced Cerenkov
detectors. If the collecting areas of the detectors do not overlap then for N detectors

the flux sensitivity increases as v/N.

4.1.4 Decreasing the FOV (Q)

From equation 4.1 it can be seen that the flux sensitivity will vary as 1/ for
large Q2. For most air Cerenkov telescopes the lowest value of € is limited by the
angular size of gamma-ray Cerenkov image.

One way of decreasing Q2 is to use fast timing of the Cerenkov light front. Most
of the Cerenkov emission from an EAS comes from shower maximum, producing a
thin “pancake” of light that is only several nano-seconds thick. By timing the passage
of the light front at several points it possible to determine the arrival direction of an
incident primary particle to a greater accuracy than the FOV of the detector. This
allows primary particles that lie outside the cone of acceptance to be rejected. For
accurate reconstruction of the direction of the light front, detectors must be widely
spaced (typically tens of meters apart). Since the mirrors must be in coincidence
with each other this method can lead to high energy thresholds. This technique is
mostly used for experiments with solar collectors, which have only crude focusing.

The method of fast timing the Cerenkov light front was first used by Tornabene
and Cusimano (1968) and further developed by Gibson et al. (1982) and Gupta et al.
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(1982). The French experiment THEMISTOCLE (Kovacs 1990) with a threshold
energy of 3 TeV has recently seen a DC gamma-ray signal from the Crab Nebula
(Baillon et al. 1991) using the method of fast timing the Cerenkov light front.

The most promising methods for increasing the flux sensitivity of VHE
gamma-ray telescopes exploit the differences between gamma-ray and cosmic ray
EAS to reject the cosmic ray background. An early example of this is the “double
beam technique”. It was noticed that for two widely separated narrow beam
Cerenkov telescopes operated in coincidence the event rate could be increased by
tilting the optical axes of the telescopes toward each other (Hanbury-Brown et al.
1969, Tornabene and Cusimano 1968). The increased sensitivity was attributed to
the fact that the optical axis of each telescope now pointed toward the position of
shower maximum. It was subsequently found by Grindlay (1971) that beneath
shower maximum there was a second angular maximum that appeared to be rich in
ultra-violet light. Grindlay interpreted this second maximum as being due to
Cerenkov emission from the penetrating muon component of nucleon induced EAS.
By rejecting showers which have this second angular maximum it should be possible
to discard a substantial number of background cosmic ray showers. One drawback of
this method is that it is limited to primary energies above 1TeV, where the
penetrating muon component is large enough to be detected.

Another method of increasing gamma-ray flux sensitivity is to reject cosmic ray
events on the basis of their Cerenkov lateral distributions. Figure 3.3 showed how
the cosmic ray Cerenkov lateral distribution has localized peaks due mainly to
penetrating muons. In principle a distributed array of mirrors would be able to
detect the differences between gamma-ray and cosmic ray Cerenkov lateral
distributions. An extreme example of this is the SOLAR. 1 proposal (Tdmer et al.

1990), which would use the mirrors of a large solar array to capture a large number

of the photons from each EAS.
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4.2 Camera Systems

In section 3.2.2 we discussed the the formation of Cerenkov images in terms of
the angular distribution of Cerenkov light emitted from EAS. It was shown that EAS
at non-zero core locations will form approximately elliptical images in the field of
view of an air Cerenkov telescope. It was expected that the size and shape of these
images, to some extent, would reflect the longitudinal and lateral development of the
EAS that produced them:.

In 1985 Hillas made detailed Monte Carlo simulations of the images formed in a
37 pixel camera by EAS induced by different primary particles. It was found that the
images formed by gamma-ray primaries and cosmic ray primaries were significantly
different. The images due to cosmic ray primaries were found to be longer and
fluctuated more than the images due to gamma-ray primaries (see figure 4.1). This is
due to the extended development of cosmic ray EAS (see figure 4.2). Images due to
cosmic ray primaries were also found to be wider, reflecting the wider lateral
distribution of cosmic ray initiated EAS. The major axes of the gamma-ray images
were found to point toward the position of the source in the field of view, while
cosmic ray images generally did not, reflecting the isotropic arrival directions of the
cosmic rays. Figure 4.1 shows some examples of images generated by Monte Carlo
shower simulation.

By exploiting the shape of Cerenkov images it is possible to greatly increase the
flux sensitivity of an air Cerenkov telescope. For the simplest VHE gamma-ray
telescope, a mirror viewed by a single on-axis photo-tube, the shape of the Cerenkov
images will determine the optimum field of view. Patterson and Hillas (1989) have
shown that by using a number of smaller tubes rather than a large single tube, it is
possible to trigger more efficiently from the smaller gamma-ray images. The
following sections will describe some detector configurations that use the shape of

Cerenkov images to enhance the gamma-ray sensitivity of VHE observations.
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Figure 4.1: Monte Carlo simulation of Cerenkov images from gamma-ray and proton
EAS . Each point represents a photoelectron in the field of view. The scale of each plot
is in degrees. These images were generated by the Monte Carlo simulation program

MOCCA.
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Figure 4.2: Monte Carlo simulation of the development of gamma-ray and proton
initiated EAS (from Weekes 1992)

4.2.1 Guard Ring

The guard ring technique has been devised empirically by the Durham group
for telescopes now operating at Narrabri in Australia (Brazier et al. 1990). The
telescopes consist of three mirrors of 11 m2, each viewed by a detector package which
contains 7 phototubes subtending approximately one degree each. One tube is on
axis while the other six are on a 2° circle around it, forming a “guard ring”.

Events that trigger the system are divided into three categories, A, B or C. If
the majority of the signal falls in only the central tube of the detector, then the
event is classed as category A. If the signal is split between the central tube and the

guard ring, then it is classed as category B, and if the signal falls mainly in the guard

ring it is classed as category C.
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It is expected that gamma-ray signals will produce events that are mainly in
category A. Most gamma-ray images fall within 1° of the center of field of view, and,
because the gamma-ray images are compact, the image should not extend out to the
guard ring. For cosmic ray images, which are wider and longer, there is a good
chance that part of the image will fall into the guard ring. Events which fall only
into the guard ring are assumed to be from off-source cosmic rays. By selecting only
category A events, Brazier et al.(1990) claim to reject around 50% of the cosmic ray

background while retaining the majority of the gamma-ray signal.

4.2.2 Whipple Camera System

In 1983 a medium resolution camera was installed on the Whipple observatory
10m gamma-ray telescope at Mount Hopkins . The camera consisted of thirty seven
5cm diameter photo-tubes arranged in a hexagonal array. The tube centers were
separated by 0.5° giving a total field of view of 3.5°.

The image analysis used for this medium resolution camera is described by

Hillas (1985). Hillas parameterizes each image as an ellipse, and defines a number of
parameters that describe the size, position and orientation of the image. The

parameters used (see figure 4.3) in the original Hillas paper are :

o Length - the RMS length of the major axis of the image. The length of the

image is sensitive to the longitudinal development of the shower.

e Width - the RMS length of the minor axis of the image. Width is sensitive to
the lateral spread of the shower.

e Miss - the perpendicular distance between the major axis and the center of
field of view. The miss parameter is a measure of image orientation and is

sensitive to the arrival direction of the primary particle.

e Distance - the distance from the center of field of view to the centroid of the

image.

o Azwidth (azimuthal width) - RMS width of the image perpendicular to a line

joining the center of field of view and the image centroid. The azwidth
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Figure 4.3: Image parameterization. The centroid of the image is marked by C. (from
Weekes et al. 1989)

parameter depends upon both the orientation of the image and its width.
Azwidth will be smallest for narrow images pointing toward the center of field

of view (gamma-ray images).
e Concentration - the ratio of the two largest tube signals to the total tube signal.

The face of the camera is divided into four zones. Zone 0 is the central tube,
zones 1, 2 and 3 are formed by the concentric rings of the tubes in the camera.
Images that fall mainly in zone 0 are close to circular and cannot be parameterized.
Images that fall mostly in zone 3 are also not analyzed as an unknown amount of the
image lies outside the field of view of the camera.

Using a Monte Carlo simulation Hillas (1985) calculated the distributions of
image parameters for gamma-ray and cosmic ray EAS (see figure 4.4). These
simulations show that even with a crude camera system it should be possible to
identify gamma-ray and cosmic ray events based on their image parameters. Hillas
defined “gamma domains” for each image parameter in which most of the
gamma-ray images, but few cosmic ray images lay (see table 4.1).

Hillas’ simulations indicate that the Azwidth parameter, which is sensitive to
both the shape and the orientation of the image, is the best single cut. Hillas

suggests that a mixture of cuts may give the best sensitivity, although it should be
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Parameter Zone 1 Zone 2
width (°) <0.21 - 0.17x | < 0.19 - 0.20x
length (°) | <0.35-0.13x | < 0.33 - 0.13x

miss (°) <0.17 < 0.22
distance (°) >0.65 > 0.83 + 0.04x
conc >0.72 + 0.28x | > 0.72 + 0.31x
azwidth (°) | <0.21 - 0.11x | < 0.20 - 0.11x

Table 4.1: The gamma-ray domains for each of the image parameters. From

Hillas(1985) where x=sec(8)-1 and §=zenith ang.

noted that the image parameters are not independent of each other.

To describe how well the image cuts work the Whipple group define a quality
factor, q, given by

Ny (Ne\7F
o= (%) 3

where N7 is the number of gamma-rays passing the image cuts from a total of N7
gamma-rays, and N;" is the number of cosmic rays accepted from a total of Ng°
cosmic rays. Hillas predicted that the imaging technique with the medium resolution
camera should reject 98-99% of the cosmic ray background while keeping 60-70% of
the gamma-ray signal.

The value of the imaging technique has been proved on observations of the
Crab Nebula (Weekes et al. 1989). During the period December 1986 to February
1988 a steady flux of gamma-rays of energy >0.7 TeV was seen at a significance of
90. Both the background image parameter distributions and the amount of signal
enhancement were consistent with the predictions of Hillas. As expected the image
selection process was able to reject about 98% of cosmic ray background events and .
gave a quality factor of ~ 4.

Following the success of the medium resolution camera the Whipple group have
constructed a camera of higher resolution (Cawley et al. 1990). The new camera
consists of 91 pixels of width 0.21° surrounded by “guard ring” of eighteen 0.5° tubes
(see figure 4.5). Using the high resolution camera the Crab Nebula was observed
(Vacanti et al. 1991) between November 1988 and March 1989. After image cuts
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Figure 4.4: Image parameter distributions (from Weekes et al. 1989).

these observations yielded a steady DC emission of gamma-rays at a significance of
200. This indicates an increase in sensitivity over the medium resolution camera of a
factor of 2.5, giving a total quality factor of ~ 10.

With a signal containing such a large percentage of gamma-rays the Whipple
group have been able to optimize their image analysis on the Crab data (Punch et al.
1991). These new “supercuts” were derived by optimizing the image parameter
domains on the 1988-1989 data set. In addition to this, more sophisticated
techniques for treating ADC pedestal and noise subtraction were implemented. By
using supercuts the significance of the 1988-1989 data set was increased to 340,
indicating an increase in sensitivity of 1.75 over the earlier high resolution image
analysis. With this sensitivity it is possible to see the Crab Nebula at a significance
of 40 with just one hour of observation.

Using the supercuts analysis on the high resolution camera, the Whipple group

have performed a search for DC emission of VHE gamma-rays from a total of 27
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sources (Reynolds et al. 1993). It is disappointing to note that despite the
unprecedented sensitivity of the Whipple telescope, no significant emission was seen
from any source other than the Crab. More recently, however, steady DC emission of
gamma-rays has been seen from the giant elliptical galaxy Markarian 421 at a
significance of 6 (Punch et al. 1992).

To further enhance the sensitivity of the imaging technique a second 10m class
reflector is being built 120m from the original Whipple telescope (Akerlof et al.
1990). The new telescope, called “GRANITE”, will be equipped with a 109 pixel
camera to allow stereo viewing of EAS in conjunction with the Whipple high
resolution camera. It is predicted that the sensitivity of the new stereo system will

be an order of magnitude better than the original high resolution camera.

4.2.3 Woomera Camera System

The Woomera camera (described in section 3.3.1) was installed in the middle of
1992 and became fully operational in March 1993. The response of the Woomera

camera to both gamma-rays and cosmic rays is being modeled using Hillas’ MOCCA
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Monte Carlo program.

The raw camera images are processed in a similar manner to that used by the
Whipple collaboration. The ADC pedestal values are subtracted from the raw ADC
value for each tube. These numbers are then weighted to allow for the different gains
of the tubes. Gain calibration is done using a flash calibrator consisting of 7 LED’s
driven by a fast rise-time pulse. Finally the image is “cleaned”, removing spurious
noise that may affect the parameterization of the image.

In addition to the parameters described in Hillas (1985), two other parameters
are used: alpha and concentrationl. Alpha is the angle between the major axis of the
image and the line joining the center of field of view and the image centroid. Alpha
has a range of 0° to 90°, and for gamma-ray images alpha is expected to be small.

Concentrationl is the percentage of the total signal that falls in the tube containing

the largest signal.
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Chapter 5

Pulse Shape Measurement

Technique

5.1 Introduction

In late 1989 the Woomera group began planning to install a camera system on
one of the mirrors of the BIGRAT telescope . At this time the Woomera group was
using the Sommers-Elbert large zenith angle observation technique (see section 3.4)
to observe northern hemisphere sources(Gregory et al. 1990) . The conventional view
of camera systems was that they would not work well for large zenith angle
observations. The increased distance to shower maximum for highly inclined showers
leads to a smaller image size which reduces the efficiency of the image cuts (Weekes
et al. 1989). Observations of the Crab Nebula at large zenith angles seem to indicate
that this is the case (Weekes 1991). For the Whipple camera the imaging technique
works well above 50° elevation. For showers with elevation between 35° and 50° the
imaging technique still works but with reduced efficiency. Beneath 35° the imaging
technique does not seem to work at all. This creates a problem for the Woomera
group as the northern sources of greatest interest (Crab Nebula, Her X-1, Cyg X-3)
all culminate at or below 35° elevation as viewed from Woomera. With this in mind I
was interested in developing a technique that could provide rejection of the

background cosmic ray flux for highly inclined showers.
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It seemed that such a technique could be realized by measuring the temporal
distribution of the Cerenkov light from EAS. At this time there were indications that
gamma-rays and cosmic rays could be distinguished on the basis of their pulse
profiles (Tiimer et al. 1990). It seemed likely that this method, unlike the imaging
technique, would still work at large zenith angles. In fact it was hoped that with the
larger energy and path lengths of the inclined showers that the technique might work
better at large zenith angles than vertically. In addition to this, a pulse shape
measurement system is relatively cheap and easy to install and is well suited to the

type of mirrors used on the Woomera telescope which introduce no timing delays due

to the shape of their surface.

5.2 Equipment and Data Taking

A schematic diagram of the experimental system used to measure pulse profiles
is shown in figure 5.1. The signal to be digitized is taken from a single on-axis three
inch photo-tube (EMI 9822B) on one of the mirrors of the Woomera telescope. This
signal is amplified by a twin output 10 times gain high bandwidth amplifier (LeCroy
vv100b). One output of this amplifier is sent to a local electronics rack and the other
is sent to a digitizer located in the control hut some 40m from the telescope. The
signal to the local electronics rack is used in fast coincidence with the other
photo-tube signals to generate event triggers. This event trigger is also sent to the
control hut to trigger the digitizer.

The digitizer is a Tektronix 7912 transient digitizer. The 7912 has 9 bit vertical
and horizontal resolution and an analogue bandwidth of 500 MHz. When tube
rise-time, amplifier bandwidth and cabling are included the final bandwidth of the
pulse profile measuring system is ~ 150 MHz. The pulses are digitized over a 50 ns
window with digitization steps of 0.2 ns. The event arrival times are stored to a
relative accuracy of 1 ms, although by comparing these times to those measured by
the main system the absolute arrival times can be determined to to better than lms.
A pulse captured by the 7912 is transferred to a personal computer and stored in

RAM drive. At the end of each run the files stored in RAM are transferred to hard
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Figure 5.1: Schematic diagram of pulse profile measurement system
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drive and then to tape.

The dead time for the digitization of a single pulse is about 200 ms. Although
the dead time is quite long it is not generally a problem when observing at large
zenith angles where the event rate is < 1Hz.

Before the pulses can be analyzed each digitized pulse undergoes a number of
processing procedures. The first of these is “cleaning”, in which any stray bits that
have registered away from the main pulse are removed. Each pulse is then tested to
see if it has been digitized well enough to be accurately reconstructed. This is mainly
a problem for very large pulses, where some part of the pulse is off scale. If a certain
fraction of pulse has not been captured then the event is rejected. Typically only a
few percent of events will be rejected in this way. Finally, the pulse profile is

reconstructed from the digitized pulse by interpolation (usually at intervals of 0.1 ns).

5.3 Pulse Shape Formation

In order to use pulse profile measurement to differentiate between gamma-ray
and cosmic ray EAS it is desirable to understand how the development of an EAS
leads to the formation of a Cerenkov light pulse. This field received considerable
attention in the 1970’s and early 1980’s from cosmic ray research groups attempting
to study the longitudinal development of EAS. Most of this work involved the study
of Cerenkov pulse profiles viewed by wide aperture detectors at large distances from
the cores of EAS (Thornton and Clay 1979,1981, Orford and Turver 1981).

The time structure of Cerenkov light emitted from EAS will be determined by
the geometrical path differences between the points of Cerenkov emission at the
observation point, and by refractive index effects. As a starting point to the
understanding of the formation of a pulse profile, consider the simple scenario
outlined by Hillas (1982). Here the particles of the cascade are assumed to travel at
velocity ¢ (speed of light in vacuo) with small longitudinal spread very close to the
shower axis (see fig 5.2). For such a shower, the spread in arrival times of the

Cerenkov photons will be dependent upon the distance of the observer to the core of

the shower (see figure 5.3).
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Figure 5.3: Schematic diagram of the expected variation in time spread of Cerenkov
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For an observer at the core the spread in arrival times will be due entirely to
the refractive index delays of the Cerenkov photons with respect to the particle front.
From figure 5.2, if the distance between A and C is H gcm? then the Cerenkov

photons from A will arrive at a time §t later than those from point C, where

229 x 10-°H

c

ot seconds (5.1)

For a vertical shower, therefore, the maximum possible time spread at the core will
be of the order of 10 ns. As the cascade of figure 5.3 is observed at increasing
distances from the core the spread in arrival times will decrease. This is due to
geometrical path differences between the top and bottom of the shower compensating
for the refractive delays of the Cerenkov photons. At some distance from the core the
geometrical path differences and the refractive delays will cancel and the photons will
arrive from all points of the shower at the same time. This is analogous to the
Cerenkov effect, and for a typical vertical shower this point will lie at around 150 m
from the core. Beyond this point the arrival time spread begins to increase again. At
the larger core locations the geometrical delays dominate, so the observer will see
light generated at the top of the shower arriving first.

It is clear that the model of figure 5.2 is an over-simplification of a real EAS. It
takes no account of the finite particle front thickness in the cascade or the lateral
spread of shower particles away from the core. Despite these limitations it does raise
a number a interesting points that may be relevant to the identification of

gamma-ray and cosmic ray EAS :

e The spread of arrival times of Cerenkov photons should reflect the longitudinal

extent of the EAS (particularly inside the Cerenkov shoulder).

e Beyond the Cerenkov shoulder the spread in arrival times is strongly core
location dependent. For a single VHE gamma-ray telescope, such as the
Woomera telescope, identification of the core is not possible. It seems likely
therefore, that measurement of pulse profiles for events that fall well away from

the telescope will provide no useful information.
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Figure 5.4: The spread in arrival times of Cerenkov photons as a function of emission
depth. The numbers in the graph, R(m), indicate the core location (from Hillas 1982).

In figure 5.4 the Cerenkov photon arrival times as a function of core location
and emission depth are shown. These data, from Hillas (1982), were generated from
a sophisticated Monte Carlo simulation of cascade development. These plots contain
useful information for observations at large core distances, but lack detail about the
arrival time distributions near to the core.

To study pulse shapes nearer the core I have generated sets of 50 TeV primary
Monte Carlo cascades using Hillas’ MOCCA simulation program. These cascades
were generated at a zenith angle of 65 degrees, which corresponds approximately to
the culmination elevation of Hercules X-1 as viewed from Woomera. Groups of
approximately 100 cascades were generated at core distances of 0, 325 and 650
meters for each species of primary particle. Four different primary particles were
simulated: gamma-rays, protons, oxygen nuclei and iron nuclei. For core distances
Om and 325m the showers were viewed by four meter diameter mirrors. At 650m
where the Cerenkov photon density is less, 6m diameter mirrors were used. No
aperture limitation was placed on the angular acceptance of the Cerenkov photons.

For each photoelectron that fell in a mirror the arrival time and angular position in
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the field of view were recorded. In addition, the height of photon emission and the
position of photon emission with respect to the core of the shower was recorded, as
well as the energy and type of emitting particle.

Using this information it is possible to relate the formation of a pulse profile at
the point of observation to the development of the EAS. To gain a general feel for
pulse development a program to display the development of each shower in a
“movie” format was written. The point of emission (height of emission and radial
distance to the core) of each Cerenkov photon is displayed on computer screen, one
at a time, in order of Cerenkov emission time. For each photon the relative arrival
time at the point of observation is displayed in a histogram at the bottom of the
screen. Figures 5.5 and 5.6 show some examples of this type of display for
gamma-ray and cosmic ray showers at various core locations. These movies allow us

to make some general comments about the formation of pulse profiles

e The majority of the Cerenkov photons from the electromagnetic component of
the shower are emitted from relatively near the core of the shower. These

photons tend to arrive at the point of observation within a few nanoseconds of

each other.

e The Cerenkov photons emitted away from the core have a wider spread in time
at the point of observation. These photons often arrive after the photons

emitted near the core, and so fall on the trailing edge of the pulse profile.

¢ The muon component penetrates deeper into the atmosphere than the
electromagnetic component. The Cerenkov photons from the muon component

tend to be found on the leading edge of the pulse profile.

Perhaps the easiest way to display these data is to generate “average” pulse
profiles from the Monte Carlo data set. These average pulses are found for both
cosmic ray and gamma-ray events by adding the individual pulses together. The
pulses are aligned at the maximum pulse height of Cerenkov emission due to the
electromagnetic component of the showers. These pulses are shown in

figures 5.7, 5.8, 5.9 and 5.10. Also shown are the contributions to the pulses from the
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Figure 5.5: “Movie” display of the pulse formed from a gamma-ray initiated EAS at
a zenith angle of 65°. The top horizontal scale and the left vertical scale give the
position of emission of the Cerenkov photons. The crosses indicate emission from an

electron or positron, the triangles indicate emission from a muon. The histogram gives
the pulse profile seen by the observer.
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(middle) and electromagnetic (bottom) components of the cascade.
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Figure 5.8: Average time profiles for proton initiated EAS
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Figure 5.9: Average time profiles for oxygen nuclei initiated EAS.
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Figure 5.10: Average time profiles for iron nuclei induced EAS.
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electromagnetic and muonic components of the showers. These figures show clearly
that the Cerenkov emission from the muonic component tends to be seen on the
leading edge of the pulse profiles. These simulations also show that at any given core
location the average spread in arrival times is smaller for gamma-ray initiated EAS
than for cosmic ray initiated EAS.

Figures 5.11 and 5.12 show some details of the Cerenkov emission from the
electromagnetic particles of the proton initiated cascades. These scatter plots display
the relative arrival times of the Cerenkov photons at the point of observation as a
function of the position of emission relative to the core (shower axis). Several
cascades are shown on each plot and as before the times are aligned at an arbitrary
time (25 ns) so that the peak of photon emission for each shower coincides.

The plots on the left show the relative arrival times of the photons, as a
function of radial distance to the core, of the emitting particles. As expected the
particles farthest from the core produce photons with the largest spread in arrival
times. For showers observed at the core, photons emitted at larger core distances are
delayed with respect to the main Cerenkov emission. If the shower is observed away
from the core then the photons from these particles may arrive before or after the
main Cerenkov emission.

The plots at the right in figures 5.11 and 5.12 show the relative arrival time as
a function of vertical emission depth (in gem™2 where 0 corresponds to the top of the
atmosphere). These plots show the general features of the simple model of pulse
formation discussed earlier. For showers observed near the core, photons emitted at
the top of the shower tend to arrive later than those emitted nearer the ground. At
325m from the core (~ Cerenkov shoulder at 65° zenith angle) the relative arrival
time is not sensitive to the height of emission. Beyond the Cerenkov shoulder
photons emitted at the top of the cascade tend to arrive ahead of those emitted lower
down. Figure 5.12 shows the same information as figure 5.11 but for the Cerenkov
photons emitted from the muonic component of the showers. On average the light
contribution from the muons tends to occur further from the core than for the
electromagnetic particles. The muons also tend to contribute more light closer to the

telescope than the electromagnetic particles. Figure 5.12 shows that for muons the
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Figure 5.11: Scatter plot of the relative arrival times of Cerenkov photons emitted
from the electromagnetic particles of EAS at various core locations (left column). In
the right column is the corresponding arrival time vs. depth of emission information.
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Figure 5.12: Same as for previous figure, but for Cerenkov photons emitted from the

muonic component of the EAS.
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light emitted closer to the observer will tend to arrive before light emitted higher in

the atmosphere for all core distances.

5.4 Pulse Profile Cuts

To use the measurement of pulse profiles to enhance gamma-ray sensitivity we
must devise parameters that are sensitive to the differences between the pulse shapes
of gamma-ray and cosmic ray EAS.

Timer et al.(1990), when looking at near vertical showers from the Crab
Nebula, classified the pulse profiles in terms of the number of “kinks” on the pulse
and on the shape of the trailing edge. The kinks are secondary maxima, either before
or after the main pulse. The presence of kinks is assumed to be indicative of cosmic
ray EAS. Secondary maxima were seen in early pulse profile measurements (Bosia et
al. 1972). Timer et al. also rejected cosmic ray events on the shape of the trailing
edge of the pulse. Cosmic ray EAS were assumed to produce pulse profiles with
extended trailing edges, while gamma-ray EAS were assumed to produce a shorter
trailing edge. Using these cuts, Tiimer et al. claim that they can achieve a quality
factor (as defined in chapter 4) for signal enhancement of ¢ ~ 4.

I have decided not to use the cuts described by Tiimer et al. for a number of

reasons:

e The pulse profiles measured by the Woomera, system show no kinks above a
level attributable to sky noise. This may be due to differing signal to noise
ratios of the two systems (Woomera, - Ejpreshord ~500GeV, mirror area ~ 12m?,

Sandia - Fihreshora ~600GeV, mirror area ~ 95m?).

e Ii is often difficult to “tune” the trailing edge of a photo-tube pulse to give a
clean, smooth and consistent trailing edge. This makes it difficult to identify

genuine features of an EAS pulse profile on the trailing edge of a pulse.

* Monte Carlo simulations of cosmic ray EAS do not indicate a large signal on
the trailing edge of the pulse profiles. Also, these simulations do not indicate

that a large number of the cosmic ray events have significant kinks on the pulse
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profiles. Patterson and Hillas (1989) have also showed that the quality factor

attained by identifying the secondary maxima of cosmic ray initiated EAS is

only ~ 1.2.

o It is difficult to write software that can reliably identify the kinks on a pulse
profile. Tiimer et al. identified the type and number of kinks manually. This

type of analysis is not desirable because it is extremely time consuming and it

is difficult to achieve consistency in making cuts.

Instead I have decided to use, at least initially, more conventional pulse
parameters. The parameters used most extensively are rise-time (10% to 100% of
pulse maximum), fall-time (100% to 20% of pulse maximum) and full width at half
maximum (50% to 50% of pulse maximum). The description of fall-time was
influenced by the noisy and highly variable nature of the trailing edge of the
photo-tube pulse.

Figures 5.13 and 5.14 show pulse parameter distributions measured with
BIGRAT for zenith angles 0, 35, 55, 65 and 75 degrees. Figure 5.14 also shows the
delta function response of the pulse measurement system for the same pulse
parameters. The delta function response was measured by recording the pulses from
muon Cerenkov tracks through slabs of glass placed against the face of the
photo-tube. This method does not include the effect of the mirror surface on the
formation of the pulse, but this has been measured and was found to be negligible.

Figures 5.15 and 5.16 show Monte Carlo simulations of the distribution of pulse
parameters for BIGRAT at 65° from zenith. This set of Monte Carlo data was
designed to realistically simulate the response of the Woomera telescope to
gamma-rays and cosmic rays at approximately the culmination elevation of Hercules
X-1. The energy of showers was selected from an appropriate distribution (integral
spectrum of —1.65 for cosmic rays and —1.1 for gamma-rays) starting from an energy
just beneath the triggering threshold of the telescope at this elevation. The core
locations for the cascades were selected from an appropriate distribution out to a
distance of 700m. The mirrors in the simulation program were configured to match

those of the Woomera telescope and the aperture was limited to the largest angular
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Figure 5.14: Measured pulse parameters for 65° (top) and 75° (middle) from zenith.
The bottom graphs show the delta function response of the pulse measurement system.
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acceptance that is reasonable for the Woomera telescope. The selection of the
energy, core location and angular displacement of the EAS is described in more
detail in section 3.3.2. Figures 5.15 and 5.16 show the distributions of pulse
parameters for Monte Carlo gamma-rays, protons, oxygen nuclei and iron nuclei that
trigger the Woomera telescope. To make the simulations realistic, system noise and
experimental response must be included.

Noise is added to the Monte Carlo pulses by taking actual measurements of the
sky noise. This is achieved by artificially triggering the pulse measurement system
while tracking Hercules X-1. These sky noise pulses are then converted to a
photoelectron scale and added to the simulated pulses. This method takes account of
sky noise, tube noise and any electrical interference that is measured by the system.

The experimental response of the system is modeled by assuming that the
single photoelectron response of the system and the delta function response are the
same. A selection of delta function responses are recorded (as in figure 5.14), and the
height of each is normalized to one photoelectron. For each Monte Carlo
photoelectron in a pulse profile the normalized delta function response is added at
the arrival time of the photoelectron. A different delta function response pulse is
used for each Monte Carlo pulse profile that is generated. This reproduces the
fluctuations inherent in the pulse measurement system. By using the actual delta
function response of the system we may then compare the Monte Carlo simulated
pulses directly with those measured on the telescope.

From a comparison of the 65° data in figure 5.14 and figure 5.15 it is clear that
the observed pulse parameter distributions cannot be explained by a pure proton
primary composition. It may be possible, using Monte Carlo parameter distributions
for various primary species, to make a crude estimate of the primary cosmic ray
composition. I have done some preliminary work on composition for data taken at
65° from zenith, which corresponds to primary energies of around 30TeV. The
approach I have taken is to generate Monte Carlo pulse parameter distributions for
proton, helium, oxygen and iron primaries at this zenith angle. The parameter
distributions are then mixed in different ratios to try and reproduce the the observed

pulse parameter distributions. Great care must be taken when generating the Monte
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Figure 5.15: Monte Carlo pulse parameter distributions at 65° from zenith for proton
primaries (top), oxygen primaries (middle) and iron primaries (bottom).
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Figure 5.16: Monte Carlo pulse parameter distributions for gamma-rays at 65° from
zenith.

Carlo pulse profiles to account for systematic effects introduced into the measured
pulse parameter distributions by instrumental effects. It is possible, by using this
method at different zenith angles, that the primary cosmic ray composition may be
estimated over a large range of energies (~TeV to ~PeV). The accuracy of the
method could be tested at the lower energies by comparing results with direct
measurements of the primary cosmic ray composition. No results are presented here

because the work is only preliminary and it is beyond the scope of this thesis.

5.5 Making Parameter Cuts

Having described the pulse profiles in terms of rise-time, fall-time and FWHM
it is now necessary to define the “gamma-ray domains” for these parameters. We
must also decide upon the method of implementing these cuts, and whether any

other factors must be included when trying to select the gamma-ray like events.

Pulse Maximum Cut

Firstly, we must consider the effect of the pulse maximum on our ability to
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Figure 5.17: Blurring of the pulse parameters for an ideal (delta function) pulse of

height 5 photoelectrons (top), 15 photoelectrons (middle) and 25 photoelectrons (bot-
tom). See text for details.
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determine the other pulse parameters. Pulse maximum describes the maximum
height of the main peak of a pulse profile. If pulses are accepted that are too small,
then this could lead to errors in assigning other pulse parameters because of sky
noise contamination. Figure 5.17 shows the effect of sky noise on the delta function
response of the pulse measurement system for pulses of varying pulse maximum. A
single pulse profile, generated from a muon track through glass, is repeatedly
parameterized with a selection of sky noise profiles added. Figure 5.17 shows the
blurring of the delta function response of the system for these pulses scaled to have
pulse maxima of 5, 15 and 25 photoelectrons.

For the analysis of Her X-1 data I have chosen 25 photoelectrons as the
minimum acceptable pulse height. At this level, the blurring of pulse parameters is
less than the fluctuations in the delta function response of the system. For data
collected with the camera on the Woomera telescope a 25 photoelectron cut rejects
about 40 % of events. For the triplet detector system, which has a lower threshold,
about 50 % of events are rejected (see section 3.3.1 for a description of these
detectors).

For another source, with different sky noise characteristics, it would be

necessary to repeat this process with new sky noise measurements to determine the

value of the pulse maximum cut.

5.6 Rise-time, FWHM and Fall-time Cuts

The lack of a strong southern hemisphere “standard candle” makes the
experimental determination of optimum cuts impossible. I have derived parameter
cuts by comparing the parameter distributions of Monte Carlo gamma-rays with the
measured cosmic ray parameter distributions. Table 5.1 shows the maximum quality
factors for the three pulse parameters at various zenith angles. Only quality factors
for which >40% of the gamma-rays are accepted are included in this table (not
including events rejected by the pulse maximum cut).

Table 5.1 shows that the quality factors for the FWHM and rise-time cuts vary
with zenith angle. For the FWHM cut the maximum quality factor that is attainable
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0° 35° 55° 65° 75°
FWHM [2.04 +0.15 [ 2.24 £ 0.16 | 1.45 + 0.10 | 1.71 £ 0.10 | 1.35 £ 0.09
(42.2/4.3) | (41.0/34 | (45.1/9.6) | (62.3/13.3) | (71.1/27.8)
Rise-time | 1.51 £ 0.11 | 1.83 £ 0.12 [ 1.61 + 0.12 | 2.0 + 0.13 | 2.25 £ 0.19
(46.0/9.3) | (46.8/6.5) | (42.5/7.0) | (45.5/5.2) | (44.4/3.89)

Fall-time 1.0 1.0 1.0 1.0 1.0
(100/100) | (100/100) | (100/100) | (100/100) | (100/100)

Table 5.1: Maximum quality factors for each pulse parameter cut at various zenith
angles. The numbers in brackets are the (% of accepted gamma-rays/% accepted
cosmic rays).

decreases with increasing zenith angle, while the opposite is true for the rise-time
cut. The changes with zenith angle are due to the way the parameter distributions
for a given species of primary change with zenith angle. In addition to this the
composition of the cosmic rays may be changing as the threshold energy of the
telescope changes.

The distribution of rise-time parameters gets markedly broader for a given
species of cosmic ray with increasing zenith angle. This can be explained in terms of
an increased percentage of the Cerenkov signal from muons as the zenith angle
increases. For protons, for example, the Monte Carlo simulations show that the
average muon contribution to the total Cerenkov signal increases from 10% at zenith
to 20% at 65° from zenith. For gamma-ray EAS, which have no significant muon
content, the rise-time distribution only broadens slightly with increasing zenith
angle. This leads to a small increase in the quality factor with increasing zenith
angle. This effect would be enhanced if the composition of primary cosmic rays were
to get heavier with increasing energy. Table 5.2 shows how the maximum quality
factor varies with primary species at a zenith angle of 65°. It can be seen that the
heavier cosmic rays produce broader rise-time distributions and hence higher quality
factors. Recalling figures 5.8, 5.9 and 5.10 this may also be explained in terms of the
higher Cerenkov yield from muons for the heavier cosmic rays.

The FWHM distributions for both gamma-rays and cosmic rays broaden with
increasing zenith angle. The overall effect of this is that the maximum attainable

quality factor decreases with increasing zenith angle. For protons only, for example,
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helium

protons oxygen iron
FWHM | 1.18 4 0.06 | 1.29 & 0.07 | 1.54 &+ 0.09 | 2.44 £ 0.16
(92.4/61.5) | (90.4/49.5) | (62.3/16.5) | (44.9/3.3)
Rise-time | 1.34 £ 0.07 | 1.62 £ 0.11 | 3.16 £ 0.21 | 3.74 + 0.25
(87.2/42.4) | (45.5/7.9) | (45.5/2.1) | (45.5/1.5)
Fall-time 1.0 1.0 1.0 1.19 £ 0.07
(100/100) | (100/100) | (100/100) | (64.1/29.0)

Table 5.2: Maximum quality factor attainable for various primary species at 65° from
zenith.

q for the FWHM cut changes from around 1.9 at zenith to 1.2 at 65° from zenith.
Table 5.2 shows that an increasingly heavy composition at higher energies would
tend to offset this decrease in quality factor with increasing zenith angle.

Table 5.1 shows that the maximum attainable quality factor at any zenith angle
for the pulse shape technique is around 2. Early simulations of the camera on the
Woomera telescope show that it will have a quality factor of 2—2.5. Thus the quality
factor of the pulse measurement technique is comparable to that of the Woomera
camera system. The pulse measurement technique also has the advantage of being

cheaper and simulations show that it will work for observations at all zenith angles.

Pulse Cut Methodology

When applying camera image cuts it is possible to define the gamma-ray
domain in terms of absolute parameter values. For pulse shape cuts, however, this
has not proved to be practicable. The pulse shape cuts are made on the edges of
rapidly changing distributions. Small changes in the value of a given parameter cut
can cause large changes in the percentages of events passing the cut. Tests between
data taken over a period of time have shown that consistent cuts cannot be achieved
for absolute parameter value cuts. It is possible that changes in the photo-tube
response or in the atmospheric conditions could cause this problem. Instead of a
fixed cut, T have decided to use a “percentile cut”, where a given percentage of all
events recorded are accepted by a cut. The value of the percentile cut will then be

given by the percentages of accepted cosmic rays in table 5.1. Clearly if a gamma-ray
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signal is present, the fraction of gamma-rays passing the cut will not be fixed.
Figure 5.18 shows the variation in quality factor (q) as a function of the percentage
of gamma-rays present in a sample. This figure is for the rise-time parameter at an
zenith angle of 65° using the optimum rise-time cut given in table 5.1.

While the fixed percentile method of making cuts is most obviously applicable
to searches for periodic signals, it may possibly be modified for DC excess searches.
In a typical DC excess search observations are made of the search region and one or
more background regions of sky. Pulse parameter cuts may then be made at a fixed
percentage for, say, the on-source region. This percentage may then be translated to
a parameter value for the on-source distributions, which can then be applied to the
off-source regions. Care must be taken when using this approach to ensure that
differences in the observing regions do not cause significant changes to the shapes of
the pulse parameter distributions.

From table 5.1 it is possible to estimate which cuts should be used at each
zenith angle. The approach I have taken is to use only the single parameter with the
best quality factor at each zenith angle. While it is possible to increase the overall
quality factor by using multiple cuts the improvement is small, reflecting the lack of
independence of the parameters from each other.

While table 5.1 gives the optimum percentile cut at fixed zenith angles it may
be better to increase the percentage of events accepted when analyzing real data
files. This will allow for the fact that a real file is collected over a range of zenith
angles. The bottom graph of figure 5.18 also shows that it is better to have a
percentile cut that is larger than the optimum value rather than smaller. Accepting
a larger percentage of events will also keep the quality factor high for a data set that
contains a reasonably large percentage of gamma-rays. If a signal is found in the
uncut data then the gamma-ray content can be estimated and the cut adjusted to
give the optimum quality factor.

If a signal is found in the cut data, then to calculate the flux we need a
procedure for estimating the number of gamma-rays in the uncut sample. One way
of doing this is to use the definition of the quality factor (equation 4.3) and the top

graph of figure 5.18. The number of gamma-rays and cosmic rays in the cut data can
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Figure 5.18: Quality factor (q) versus the percentage of gamma-rays in a data sample,
where 100% represents equal number of gamma-rays and cosmic rays (top) (see text
for more details). The steps in the graph are due to the binning (in 0.1 ns bins) of the
rise-time parameter distribution. The variation in q with the percentage of accepted
cosmic rays (bottom) is also shown. The q values for the bottom graph assume that

the gamma-ray content of the sample is small. Both graphs are for the rise-time cut
on Monte Carlo data at 65° from zenith
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Figure 5.19: Scatter plot of rise-time against azwidth for a file taken at approximately
65° from zenith.

be found by calculating the signal strength from the value of the test statistic and
the assumed shape of the light curve of the source. The value of the quality factor
can then be calculated as a function of the percentage of gamma-rays in the uncut
data. The correct combination of q and gamma-ray percentage should be consistent
with the top graph of figure 5.18. Figure 5.18 is only valid for one value of the

rise-time cut. If another value is used this graph must be re-calculated from the

Monte Carlo simulations.

5.7 Combined Camera and Pulse Profile Cuts

At the present time the determination of the parameter cuts for the camera is
not complete. When it is, it will be possible to enhance the sensitivity of the
Woomera telescope by combining pulse profile and camera cuts. The value of
combining the cuts will depend largely upon how independent the camera and pulse

cuts are. Figure 5.19 shows a scatter plot of the rise-time parameter versus the
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camera “azwidth” parameter for data taken with the Woomera telescope at 65° from
zenith. The lack of correlation between the two parameters suggests that a combined
pulse profile and camera cut would work better than a pulse profile cut by itself.
Any gamma-rays should lie in the bottom left hand corner of figure 5.19. Typically

gamma-ray events would have rise-times less than 3.0 ns and azwidths less than 0.2°.
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Chapter 6

Data Analysis

6.1 Search for a Periodic Signal

A search for VHE gamma-rays from an X-ray binary or radio pulsar will
usually rely on the application of some form of time series analysis technique. By
looking for a signal that is modulated by the rotational period of a pulsar it is
possible to make a more sensitive search for gamma-ray emission than by testing for
a DC excess from the source region. In addition, a time series analysis does not
require off-source observations to estimate background rates.

In a typical VHE pulsar analysis, recorded events are assigned a pulsar phase
¢; (€ [0,1]) by folding the event arrival times, ¢;, at the pulsar period. The rotation
of a pulsar is described by the rotational frequency vy, and the frequency derivatives
v, and i, defined at epoch Tj,. The pulsar phase, ¢(t), for an event arriving at time ¢

is given by the fractional part of

80 = do+ [ vl (6.1)

where @y defines the pulsar phase at T,. Expanding »(¢) in terms of a Taylor series

gives

B(t) = do + volt — T) + —;—ﬁo(t _ Ty %z}'o(t Ty (6.2)

Using P(t) = %t) this may be written as
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(t—To) 1(t—To)%. 1 B B
¢(t) = do + P o 9 p P+ g(t — To)3 ( P3 POQ) (6.3)

0 0

Having assigned pulsar phases, we can now test for the presence of a pulsed
signal in the data. If the data contain no pulsed component then the pulsar phases
will be distributed randomly between 0 and 1. A significant deviation from
randomness in the angular distribution of phases would indicate the presence of a
pulsed signal.

The search for a periodic signal involves a process known as significance or
hypothesis testing. The hypothesis that is tested is known as the null hypothesis Hy.
Any other hypothesis is known as the alternative hypothesis H;. In the context of

searching for a periodic signal in data from an air Cerenkov telescope we could define

Hy and Hy as :

® Mo : Event arrival times are random and due entirely to background cosmic

rays.

e H; : Some event arrival times are not random, but modulated by a period

associated with the source.

Commonly a test statistic is constructed, and Hy accepted or rejected in favor
of H; depending on the value that the test statistic takes when applied to the data
available. At VHE energies there are a number of commonly used circular statistics

for testing for the presence of a pulsed signal:

Epoch Folding

Epoch folding has been used extensively in VHE and UHE gamma-ray
astronomy, although it has fallen out of favor in recent times. Epoch folding involves
binning the pulsar phases and testing the uniformity of the resulting distribution

using Pearson’s x? statistic. If the data are binned into m bins with z; events in the

7%* bin then
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e-y Bl (6.4
=1 J
where Z is the mean number of events per bin and af is the variance associated with
z;. If no pulsed signal is present then the distribution of events will be governed by
Poisson statistics (¢7 = ). Equation 6.4 would then be distributed as a x? with
(m-1) degrees of freedom (x2,_,). A significant pulsed content in the data would lead
to a large value of x? with a correspondingly small chance probability.

The epoch folding technique is powerful at detecting narrow phase peaks, but it
does have problems associated with the binning process. Unless the light curve of the
source is well known the position and number of phase bins cannot be determined a
priori. A narrow phase peak may be split between bins, reducing the significance of
the detection. If the data is re-binned then a statistical penalty is incurred, which

also reduces the significance of detection. Additionally, the x? value may

underestimate the significance of a result if the number of events per bin is small.

Rayleigh Test

The Rayleigh test was developed for the study of bird migration by Lord
Rayleigh (1894). It was first introduced into gamma-ray astronomy by Gibson et al.
(1982) and is now used extensively in high energy astrophysics.

The Rayleigh statistic is formed from the addition of unit vectors of angle 27 ¢;,

calculated from pulsar phases #;. The resultant vector R is indicative of the mean

direction of the vectors and is given by

R= % ([Nf cos(27r¢i)r + [Nf sin(27r¢i)} 2) % (6.5)

i=0 i=0
where N is the number of events. A small value of B indicates that the phases are
uniformly distributed, while a large value of R is indicative of the presence of a
pulsed signal. If the number of events is large (>100) then 2N R? is distributed as
X3, and so the probability of obtaining a particular value of 2N R? is given by

Pr(> 2N R*|Ho) = exp(—NR?) (6.6)

123



For a small number of events the probability may be calculated from

Pr(>T|Hp) = exp(-IL)(1+ A - B—-0C) (6.7)
where
(2T — T?)
A = AN
B (24T — 1322 + 760 — 9I*)
n 288 N2
c (144OF + 1440I'? — 82801 + 4890T** — 8701 + 45F6)
B 17280N3
and' = NR?

Greenwood and Durrand (1955)

The Rayleigh statistic is most sensitive to broad sinusoidal light curves and less
sensitive to narrower light curves. It can also be very insensitive to multiple phase
peak light curves. In the extreme case, where the light curve has two equal intensity
peaks separated by 0.5 in phase, the Rayleigh statistic has no sensitivity. In this case
the vectors from each peak cancel, giving a small Rayleigh test value despite the
presence of even a strong pulsed signal. It would be advantageous, in this situation,

to have available a test statistic that allows for higher harmonic content than the

fundamental.

Z? Test

The Z2 test is an extension of the Rayleigh test. Z2 is defined by

72— %g ([Nf c03(27rj¢,-):|2 + [Nf sin(%qu,-)] 2) (6.8)

=0 1=0
where N is the number of events. It can be seen that the Z?2 test is simply the

summation of twice the Rayleigh power evaluated for m harmonics. If R? is the

Rayleigh statistic evaluated at the j** harmonic then

124



7% =3 NP (6.9)

7=1
The chance probability of obtaining a value of Z2 is given by

_Z'Zz m—1 Z12n k
Pr(= Z;|Ho) = exp (T) > £2—’°k)T
k=0 °

Bevington (1969)

(6.10)

If the number of events is small then the probability may be calculated by using
equation 6.7 (de Jager 1987). If we define a; as the individual chance probabilities
for obtaining the m values of 2V R?, then the a; can be combined to form a new test

statistic, 8 say, where

B=-2 Zm:lnaj (6.11)
=1
and # is distributed as x2, .

When using a Z2 statistic it is necessary to decide upon the value of m best
suited to the source being studied. The Z? (Rayleigh test) is most suited to
detecting broad phase peaks. The Z2, while slightly less powerful at detecting broad
peaks than the Z?2, is more powerful at detecting narrower phase peaks (Nagle et al.
1988). For this reason the Z?2 test has been widely used for gamma-ray detection at
both satellite and VHE energies. If the phase peak is very narrow, such as that seen

often at UHE energies where emission is modulated by the orbital period of a binary

system, then the ZZ) is commonly used.

Protheroe Test

The Protheroe test (Protheroe 1985) was developed specifically for use in VHE

and UHE gamma-ray astronomy. The Protheroe statistic, Ty, is defined as

Ty = WNQ:T) D> (A,»]- + %)_ (6.12)

i=1 j=i+1
where N is the number of events and A;; is the phase separation between ¢; and ¢;,

given by

125



Ai; = 05— [[I(¢: — 65)| — 0.5]] (6.13)

The probability for obtaining a given T must be determined by Monte Carlo

simulation. The computing time to calculate T scales as N? which limits the

usefulness of the Protheroe test to samples containing small numbers of events.
The Protheroe test was designed to detect narrow phase peaks. It has been

used mainly for UHE gamma-ray detection from binary systems.

6.1.1 Searching a Range of Periods

When using circular statistics to detect gamma-ray emission from pulsars it is
not usually possible to look at just a single period. It is more often the case that a
search must be made over a range of periods. The need for this arises from a number

of factors :

¢ Lack of knowledge of the pulsar parameters can lead to an uncertainty in the

extrapolation of the pulsar period to the epoch of observation.

¢ The pulsar period may vary unpredictably on short time scales due to rapid

spin up or spin down.

¢ The detected pulsar period may differ from the actual pulsar period because of
statistical limitations. This can arise from sampling effects if the data sample

or signal are too small.

e The period of gamma-ray emission may differ from the period of the pulsar.
An example of this is Hercules X-1, where gamma-ray emission has been

reported at periods shifted from the true pulsar period.

To overcome these problems it is often necessary to search over a range of periods, P,
to P, around the region of interest. Such a search involves the calculation of a

circular statistic at discrete points between P, and P;.

Searching a large range of periods gives a greater probability of finding an

apparently significant result by chance. It is therefore necessary to estimate the
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number of independent trials associated with a period search by calculating the
number of independent period spacings (IPS).

From Fourier theory it is known that in a data sample of duration T,
statistically independent frequencies are separated by Ay = % The number of

statistically independent periods, M, in the range P, to P; is given by

11
M= T (5 )
(77

T(P,— P)
BB (6.14)
The distance between independent periods, IPS, is then
P,
AP = ITP 2 (6.15)

Now consider a period search on M independent periods, which yields a
maximum test statistic value S,,.,. If the chance probability of S,,,, is p then the

probability of finding p within the range of periods searched is

Pr(> Smas|Ho) =1 — (1 — p)M (6.16)

In VHE gamma-ray astronomy, where detections are often marginal, it is clearly
advantageous to search over as small a range of periods as possible.

It is usual, when searching a range of periods, to calculate the value of a test
statistic at intervals less than the independent period spacing. This practice is
known as oversampling, and ensures that close to the maximum value of the test
statistic is found. When estimating the chance probability of obtaining a test
statistic value, the oversampling must be allowed for.

Equation 6.16 tends to underestimate the true chance probability when
oversampling is used. De Jager (1987) describes a Monte Carlo method for
calculating this factor of underestimation. An alternative method is to calculate the
distribution of test statistic values for a “background” consisting of a large range of
periods near the on-source period search region. If the same oversampling is used for

the background and on-source period regions then the chance probability may be
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Figure 6.1: Plot of cumulative distributions of Rayleigh powers for various source duty
factors (from Lewis 1990).

found directly from the background distribution of test statistic values. From here on
the period range covering the source search region will be referred to as the

“on-period” region. The period range used to estimate the background distribution

of test statistic values will be referred to as the “off-period” region.

6.1.2 Testing Rayleigh Power Distributions

It is possible to analyze a set of observations by looking at the distribution of
all Rayleigh powers in the data rather than just the largest Rayleigh powers. The
following method has been suggested by Lewis (1990). The data are divided into
segments of approximately uniform size. The distribution of powers in the on-period
and off-period regions for all segments are then found. The off-period region can be
made very large so that the background power distribution is well determined. To
avoid binning problems cumulative rather than differential distributions are used.

If a signal is present then the distributions of powers for the on-period and
off-period regions will differ. Figure 6.1 shows the difference between on-period and
off-period Rayleigh power distributions for various source duty factors. Figure 6.1
assumes a sinusoidal light curve with 283 signal events in a total sample of 5000.

There are a number of statistical tests for determining the significance of the
difference between cumulative distributions (Eadie et al. 1971). Lewis also suggests

the use of a Fisher test (Fisher 1958, Eadie et al. 1971). If the chance probability for
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obtaining a Rayleigh power P, in segment ¢ 1s h; when no signal is present then the

test statistic Hy is given by

H; = —9n [ﬁ h] (6.17)

1=1
Hj is distributed as x? with 2V, degrees of freedom, where N, is the number of data

segments multiplied by the number of independent periods in the on-period search

region. Normally the probabilities h; would be found directly from the off-period

distribution of powers.

6.2 Hercules X-1 Observations

6.2.1 1992 Data Set

During the 1992 observing season a total of ten observations were made of
Hercules X-1 (see table 6.1) . This does not include data files that were not
analyzable because of cloud cover or equipment failure or observations taken without
pulse shape information being recorded. Normal observation did not include
off-source scans, although some off-source runs were made to check systematic
effects. Of the ten on-source runs, three included coverage of the nominal eclipse
ingress of Her X-1 (j8799a, j8804b, j8833b). There were also three files (8806c,
J8857a, j8801b) taken around eclipse egress.

All files collected were analyzed in the same way. The arrival times for each file
were binned into five minute intervals to test for the presence of cloud. Distributions
of pulse parameters for the uncut data were generated to test for any problems
associated with the pulse profile measurement system. The files, containing the
arrival times and pulse parameters for each event, were then edited to include only
those events within the range of orbital phases of interest. Pulse parameter cuts were
then applied to these files. For the 1992 data a pulse height cut was applied so that
the largest 50% of pulses were retained. Of these events the pulses with the fastest
10% rise-times were accepted for analysis. The values of the parameter cuts were

made a priori and are consistent with the cuts derived in section 9.5. The files were
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Julian Day | Time (UT) | Duration (s) | Orbital phase | 35 Day Phase
j8799a’ 10:26-16:38 22320 0.896-0.047 0.05
18803a 10:48-15:41 24780 0.257-0.377 0.16
18804b* 10:33-16:13 20400 0.839-0.978 0.19
18806a 13:06-14:07 3660 0.490-0.515 0.22
18806c° 11:06-14:45 10899 0.029-0.118 0.24
18829a 10:58-11:45 2820 0.554-0.573 0.91
18857a° 10:39-11:49 4200 0.015-0.044 0.71
j8797a 11:38-16:20 16920 0.749-0.864 0.99
j8801be 10:18-16:18 21600 0.069-0.216 0.11
j8833b* 11:20-13:56 9360 0.915-0.979 0.02

Table 6.1: Hercules X-1 data files taken during 1992. The number of the file indicates
the Truncated Julian Day at the beginning of the file. The letter after the JD is to
identify files taken on the same day. The superscripts ¢ and e indicate files including
eclipse ingress and egress respectively.

separated into three groups for period analysis: eclipse ingress files, eclipse egress
files and other files. These three groups were analyzed independently because of the
possibility of different gamma-ray production mechanisms for each group.

Earth to solar system barycentre reduction was approximated by a six term
trigonometric series based on the mean orbits of the earth and the four major planets
(Deeter et al. 1981). This approximation is expected to be accurate to better than
0.2s until the year 2000. Tests using the JPL DE 200 ephemeris (Standish 1982)
have confirmed that this approximation is sufficiently accurate for our analysis of Her
X-1. Source barycentering was calculated assuming a circular orbit for Her X-1 with
a.sin(i)=13.181 light s. As I have been unable to obtain contemporaneous
measurements of the 35 day phase it was calculated from the ephemeris of Ogelman
(1987), extrapolated to produce the measured 35 day phases of more recent x-ray

measurements (Mihara et al. 1991). As a result there is some uncertainty in the 35

day phase.

6.2.1.1 Eclipse Ingress

From 1990 to 1992 a total of 75 nights observation were made of Her X-1 before

the pulse shape measurement system was installed. An analysis of these data with
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the Z2 statistic at the X-ray pulsar period was performed. The powers were
consistent with a random distribution. The largest power found (1% chance
probability) included eclipse ingress, and so this data (April 29 1992) was analyzed
in more detail. This observation lasted 320 minutes covering the orbital phases 0.877
to 0.007. A 60 minute sliding window showed that the largest contribution to the
Rayleigh power occurred during the hour centered on eclipse ingress (orbital phase
0.93). Based on this analysis a 120 minute window centered on eclipse ingress was
defined as a nominal a priori region of interest for other observations. This region of
interest covers the orbital phases 0.907 to 0.955.

Of the three eclipse ingress files taken in 1992 with the pulse measurement
system only j8804b (July 1) was taken under ideal conditions. The file taken on June
26 (j8799a) was affected by changing amounts of light cloud cover during parts of the
run. On July 30 (j8833b) heavy cloud was present, leaving only 50 minutes (orbital
phases 0.928 to 0.949) of analyzable data.

After pulse parameter cuts a total of 46 events were left in file j8799a, 124
events in j8804b and 41 events in j8833b. The values of the Z} statistic were
calculated for each file for the period range 1.236s to 1.240s. The period range is
approximately £0.3% of the pulsar period, the same range used by the Whipple
group in its analysis of Her X-1 (Reynolds et al. 1991). The results of these Rayleigh
tests are shown in figure 6.2. Both j8799a and j8804b show large Rayleigh powers at
a period of 1.2371s, which is blue-shifted from the pulsar period of Her X-1 by
0.052%. For the same files without pulse parameter cuts, or just the pulse height cut,
there are no significant Rayleigh powers at this period. The file 18833b shows no
significant Rayleigh power at 1.2371s even after pulse parameter cuts. The
distribution of pulsar phases at 1.2371s for the three ingress files are shown in
figure 6.3. In the phaseogram of j8833b there is some indication of the presence of a
double peaked structure. Given the X-ray behavior of Her X-1 (see section 1.5) it is
possible that gamma-ray emission may also occur at the second harmonic of the
pulsar period. Figure 6.4 shows the values of the Z3 statistic for the range +0.3%
around the second harmonic of the pulsar period. This figure shows that the file

j8833b has Rayleigh power peak near the second harmonic of 1.2371s.
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To estimate the final significance of the Rayleigh powers at 1.2371s the separate
probabilities for the significant Rayleigh powers on each night were combined. The
probability of obtaining a value of Z? was estimated statistically for each file. The
distribution of powers for each file was found for periods between the first and second
harmonics of the signal search region. The chance probability was then found
directly from these distributions. This method accounts for effects such as
oversampling in the period analysis. The chance probabilities for the powers in files
18799 and j8804b were found to be 1.15 x 10~ and 2.02 x 10-2 respectively. For
J8833b the power at the second harmonic corresponded to a chance probability of

1.6 x 10~2. Combining these through

P12 = P1P2(1 —1IIP1P2) (618)

yielded a total chance probability of 8.03 x 10~¢. After allowing for the number of
independent periods searched and a factor of two for searching both first and second
harmonics the final chance probability is 1.35 x 10-4.

Assuming that the gamma-ray light curve of Her X-1 is sinusoidal we can
calculate the percentage of the events in each of the files that are pulsed at 1.2371s
(table 6.2). It is now possible to estimate the flux of gammarrays from Her X-1 using
the Monte Carlo simulations previously discussed (section 3.4). The duration of the
three ingress files and the numbers of events passing cuts were quoted previously. It
is clear from these numbers that the triggering rate of the file j8799a is much less
than that of the other two ingress files. I will firstly calculate the gamma-ray fluxes
for the files j8804b and j8833b, and return to the file 187994 later.

Firstly we must estimate the increase in threshold of the observation due to the
50% pulse maximum cut. If we assume that the majority of the events in the uncut
file are from cosmic ray EAS then the increase in threshold energy with the 50%
pulse maximum cut will depend largely upon the spectral index of the primary
cosmic rays. Using this assumption increases the gamma-ray threshold of the
telescope at Her X-1 elevations to 27 TeV. The gamma-ray flux may now be
calculated using Monte Carlo simulations to find the collecting area and triggering

efficiency of the telescope to gamma-rays. It is also necessary to estimate what
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File | Pulsed Fraction (%) | Flux x107*?(cm~2s™!) | Lumin. x10%° (erg s!)
737992 76 £ 21 (> 49TeV) 2.5 £ 08 147
(>27TeV) 4.8 £ 1.5 15.2
§8804b 44 + 13 (> 27TeV) 2.4 + 0.8 78
j8833b 65 £ 22 (>27TeV) 3.8 £ 1.3 11.9

Table 6.2: Average pulsed fraction, flux and source luminosity for the three ingress
files taken during 1992.

percentage of the gamma-rays pass the pulse shape rise-time cut (~ 40%). This
number was obtained by the method described in section 5.6. For all of these
calculations the integral power law spectral index of the gamma-rays was chosen to
be —1.1. Assuming that Her X-1 lies 5.8kpc from us we can also calculate the
luminosity above 27 TeV, assuming that the gamma-rays are emitted isotropically.
The calculated fluxes and luminosities for the files j8804b and j8833b are given in
table 6.2. The errors quoted for the flux are the statistical errors associated with
estimating the signal strength. They do not include the errors in estimating the
gamma-ray threshold and collecting area. Effects due to the changing zenith angle of
observation and the presence of cloud are also ignored.

Now consider the file j8799a. The lower triggering rate of this file is most
probably due to the presence of changing amounts of light cloud during the
observation. I will calculate the flux of gamma-rays from this observation by
assuming that the decrease in rates is due to a uniform increase in energy threshold
throughout the file. Using this assumption raises the threshold of observation from
27TeV to 49TeV. The flux and luminosity may now be calculated as discussed
previously. It is assumed that the higher energy showers, when viewed through
cloud, exhibit the same triggering efficiency and collecting area that was used for the
other ingress files. It is also assumed that the rise-time cut behaves in the same way.
The flux and luminosity above 49TeV for j8799a are shown in table 6.2. If an
integral gamma-ray spectrum of —1.1 is assumed then the flux and luminostiy may

be extrapolated back to a threshold of 27TeV. These numbers are also shown in
table 6.2.

We will now look at one of the ingress files, j8804b, in more detail. J8804b is

136



the only file unaffected by cloud that covers the entire region of interest around
eclipse ingress. Figure 6.5 shows a 1 hour wide bin sliding through the file after
parameter cuts have been made, indicating the chance probability at 1.2371s as a
function of orbital phase. The peak of emission lies at orbital phase 0.937, which is
some 12 minutes after the onset of eclipse. There is some uncertainty in the orbital
position of peak emission because of poor statistics and the fact that a one hour wide
bin is used. Figure 6.5 seems to indicate that the signal extends until at least half an

hour beyond the start of eclipse. Figure 6.5 also indicates that there is some emission

well before the onset of eclipse.

6.2.1.2 Eclipse Egress

The three eclipse egress files were prepared in the same way as the ingress files.
Where possible, files were adjusted to contain events within one hour either side of
eclipse egress. The files were analyzed separately with the Z? test for periods 40.3%

around the first and second harmonics of the x-ray period of Her X-1. This analysis
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Figure 6.5: The chance probability in a 1 hour wide sliding bin passed through file
18804b at a period of 1.2371s.
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showed no evidence of statistically unlikely Z2 values within these files. Figure 6.6
shows the nominal probability versus period for the three files added incoherently at
the first and second harmonics. If m Z? values are added then the resulting test
statistic will be distributed as Z2. After trials are accounted for none of the peaks in

figure 6.6 are statistically significant.

6.2.1.3 Other Orbital Phases

The files containing data at orbital phases other than ingress or egress were
truncated to two hours length. Rayleigh tests were performed for each file for periods
10.3% around the first and second harmonics of the X-ray period. No statistically
unlikely peaks were seen in any of the files. Figure 6.7 shows the nominal chance

probability versus period for the four files added incoherently.

6.2.2 1993 Data Set

During the 1993 observing season a total of 11 analyzable runs were recorded
from Her X-1. These runs, listed in table 6.3, include five eclipse ingress and four
eclipse egress observations. The data were prepared and analyzed in the same way as
the 1992 data set. The increased energy threshold of the Woomera telescope, due to
the installation of a camera system, meant that the 25 photoelectron pulse maximum
cut now accepted 60% of raw events.

As with the 1992 data set eclipse ingress, egress and other orbital phases were
treated separately. Data files around eclipse transition included, where possible, an
hour either side of nominal x-ray eclipse transition. Files at other orbital phases were

split or truncated to a similar length.

6.2.2.1 Eclipse Ingress

The five eclipse ingress files were analyzed using the Z7 statistic for periods of
10.3% around the first and second harmonics of the x-ray period. The results of this

are shown in figures 6.8 and 6.9. These plots do not show any indications of pulsed
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emission from Her X-1 at a fixed period.

The least likely peak in the 199?) ingress data occurred on JD 9104 (April 27)
at a period of 1.23644s. Figure 6.10 shows how the strength of this peak changes
with orbital phase. Unfortunately, due to the setting of the source, figure 6.10 does
not include the orbital phase of peak significance for the 1992 ingress file j8804b. If
only the orbital phases 0.87-0.92 of j9104a are analyzed then the significance of this
peak increases to ~ 10™*, This is not statistically significant when the number of

trials are allowed for. The trials would include the number of independent periods
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Julian Day | Time (UT) | Duration (s) | Orbital phase [ 35 Day Phase
79099b* 15:26-18:45 11940 0.883-0.964 0.59
j9101a° 14:53-18:58 14100 0.046-0.146 0.65
j9104a’ 14:58-20:02 18240 0.813-0.937 0.73
19106a° 15:32-18:39 11220 0.003-0.479 0.79
19132b 13:15-17:59 17040 0.240-0.355 0.53
j9133b¢ 13:21-18:15 17640 0.830-0.950 0.56
79134d 13:39-17:53 15240 0.426-0.529 0.59
j9135b® 13:48-17:49 14460 0.017-0.116 0.62
j9162a 12:10-16:16 14760 0.858-0.959 0.39
19180a° 11:36-14:08 9120 0.02-0.082 0.93

- j9185b¢ 9:41-13:27 13560 0.914-0.006 0.08

Table 6.3: Hercules X-1 files taken during 1993. The file labeling system is the same
as for the 1992 data.

searched, the oversampling, the number of other ingress files analyzed and a penalty
for truncating the data to give the most significant result. Figure 6.11 shows an
orbital phase vs. significance scan for the second most significant peak in the 1993
ingress data. This peak occurred at a period of 1.23676s in file j9162a. The
significance peaks at orbital phase 0.915, around half an hour before x-ray eclipse.
After trials are included this peak is not statistically significant.

Figure 6.12 shows the distribution of Rayleigh powers for all the eclipse ingress
files for both on-period and off-period regions. The on-period region includes the
Rayleigh powers for +0.3% around the first and second harmonics of the x-ray
period. Rayleigh powers for the off-period region were derived from periods between
the first and second harmonics (0.62s - 1.23s). Rayleigh power distributions are
shown for both the uncut data (only a pulse maximum cut applied) and the data
after pulse parameter cuts. A Fisher test was used to compare the on-period and
off-period distributions for both cut and uncut data. For the uncut data the chance
probability that the on-period distribution arises from a fluctuation in the

background is 0.75. The chance probability for the cut data is 4.86 x 102,
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Figure 6.10: One hour wide sliding bin through ingress file j9104a.
6.2.2.2 Eclipse Egress

The four eclipse egress files were treated in the same way as the ingress data.
Where possible, egress files were truncated to encompass orbital phases an hour each
side of x-ray eclipse egress. Period scans using the Z? test around the first and
second harmonics of the x-ray period show no statistically unlikely episodes.

Figure 6.13 shows the incoherently combined chance probability versus period for the
first and second harmonics.

Figure 6.14 shows the Rayleigh power distributions at egress for both the cut
and uncut data. The chance probabilities that on-period and off-period regions were

drawn from the same distribution for uncut and cut data are 3.25 x 1072 and

8.03 x 1072 respectively.

6.2.2.3 Other Orbital Phases

The two data files not taken at ingress or egress were split into four files, each

of approximately two hours length. Rayleigh tests around the first and second
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Figure 6.11: One hour wide sliding bin through ingress file j9162a.

harmonics of the X-ray period show no apparently significant peaks. Figure 6.15
shows the chance probability for these files incoherently added for both first and
second harmonics.

Figure 6.16 shows the distribution of Rayleigh powers for these data files.
Fisher tests on these distributions show no statistically significant difference between

the on-period and off-period regions.

6.2.3 Summary

Analysis of data from Hercules X-1 has shown the possibility of gamma-ray
emission from this object. In this section I will try to assess the significance of this
claim and discuss features of the observations that detract from or enhance the claim
for gamma-ray emission.

The three ingress files taken during 1992 all showed evidence for emission at a
period blue-shifted from the x-ray period by 0.05%. The statistical significance of
these three signals was found to be 1.35 x 10~*. Detections of this significance are

common in VHE and UHE gamma-ray astronomy and do not provide overwhelming
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Figure 6.13: Nominal chance probability around the first and second harmonics of the
x-ray period for 1993 eclipse egress files. The files have been added incoherently and
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evidence for gamma-ray emission.

The luminosity of the observations were all found to be around 1038 erg/s. This
is comparable to the luminosities of other claimed detections (Weekes 1988) and less
than the bolometric luminosity of Her X-1 (~ 10%" erg/ s). If the emission were
assumed to be beamed rather than isotropic then the calculated luminosity would be
reduced.

The use of the pulse profile measurement system lends some weight to the claim

that the signals are due to gamma-rays. It was found that the signals were enhanced
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when only those events that were selected to be “gamma-ray” like were analyzed.
The amount of signal enhancement was consistent with Monte Carlo predictions.
One of the difficulties in assessing these results is the peculiarities in the
apparent nature of the emission. The three ingress files all show signals blue-shifted
from the pulsar period of Her X-1. The only file with complete orbital phase
coverage around eclipse showed that the signal strength peaked ~ 10 minutes after
the onset of eclipse (see figure 6.5). The amount of blue-shifting is consistent with

other reported detections, which include observations by the Whipple group during
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the eclipse of Her X-1 (see section 1.5.2).

Gorham and Learned (GL) have proposed a beam steering model where
protons generated at the neutron star produce observable gamma-rays during eclipse
by being bent onto the limb of the companion star (see section 1.5.4). I have written
a program to simulate this model using the parameters suggested by GL (including a
0.1G surface field for HZ-Her). This model shows that 200TeV protons would
produce observable ~20TeV gamma-rays some 20 minutes after the onset of eclipse.
Protons of higher energy would produce observable gamma-rays sooner after the
onset of eclipse. This is compatible with the orbital phase of peak signal strength in
the Woomera observations but does not explain the apparent signal prior to eclipse
ingress. The fact that observations of eclipse egress, taken during the same period as
the ingress observations, show no signal is consistent with the model of GL because
ingress and egress do not provide equivalent conditions for beam steering. The model
of GL does not provide a mechanism for the blue-shifting of the gamma-ray signal.

In section 1.5.3 three models were discussed that attempted to explain the
blue-shifting of the gamma-ray signal from Her X-1. The models of Aharonian and
Atoyan (AA) and Slane and Fry (SF) do not seem to be consistent with the
Woomera observations. These observations showed blue-shifting at the same period
in data taken over 34 days. The AA and SF models would not seem to be able to
produce blue-shifted emission at the same period for this length of time. The model
of Cheng and Ruderman (CR) proposes that a low density bubble traveling down the
accretion disk provides a target for gamma-ray production. Presumably, if the
accretion rate were constant, it would be possible to maintain a particular
blue-shifted period for some time. If the CR model is correct then the amount of
blue-shifting would be dependent upon the rate of inflow of accreting material. Tt
may be possible, therefore, to correlate measurements related to the inflow rate (such
as x-ray luminosity) with the values of reported VHE blue-shifts. The model of CR
could provide visible gamma-rays for a period after the onset of eclipse, but only if
the orientation of the accretion disk were favorable.

Another problem with claiming gamma-ray emission from Her X-1 is that it

was not seen by northern hemisphere observatories around the time that these
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observations were made. This may be because the energy threshold of BIGRAT
when viewing Her X-1 is between the energies where northern hemisphere arrays and
air Cerenkov experiments are sensitive.

No significant emission was seen from Her X- 1 by the Woomera group during
1993. It is hoped that further observations, and perhaps new observing techniques,

will shed light on the signals reported in this chapter.

132



Chapter 7

Conclusions and Suggestions for

Further Work

This thesis has described a technique for enhancing the gamma-ray sensitivity
of an atmospheric Cerenkov telescope. The technique relies on the identification of
gamma-ray initiated EAS on the basis of the temporal distribution of Cerenkov
photons. Monte Carlo simulations performed by the author have shown that the
measurement of simple pulse parameters can be used to reject a large number of
background cosmic ray events. It has been shown that the pulse profile measurement
technique can provide sensitivity enhancement for observations made at all zenith
angles. Simulations show that by using a mixture of pulse rise-time and full width
half maximum measurements, around 95% of the cosmic ray background can be
rejected while retaining almost half of the gamma-rays. The quality factor attainable
by the pulse measurement technique (~ 2) is comparable to that expected for a
camera system installed on the Woomera telescope.

A pulse profile measurement system has been described in this thesis. This
system has been installed on the Woomera air Cerenkov telescope and has been used
for observations of the x-ray binary system Hercules X-1 during 1992 and 1993. Her
X-1 culminates at ~ 65° from zenith when viewed from Woomera, which corresponds
to a gamma-ray energy threshold of ~ 20TeV.

Analysis of the Her X-1 data has shown the possible detection of gamma-rays
for data taken during 1992. The signal was found in events selected by the pulse
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measurement system to be gamma-ray like. The signal was pulsed at a period
blue-shifted from the x-ray period of Her X-1 by 0.05% and appeared in all three
observations taken around eclipse ingress. The one file containing continuous
observation either side of eclipse ingress showed the strongest signal shortly after the
onset of eclipse. Both blue-shifting of gamma-ray signals and emission after the onset
of eclipse have been reported from previous observations of Her X-1. Flux levels
calculated from the three ingress files all show a flux above 27TeV of around

4 x 107'%? gamma-rays s~1

cm™2, If isotropic gamma-ray emission is assumed, this
corresponds to a gamma-ray luminosity of ~ 10% erg/s. The combined statistical
significance for the ingress files was calculated to be 1.34 x 10~%. Period analysis of
data taken at other orbital phases during 1992 showed no statistically significant
evidence for emission at or near the x-ray period of Her X-1.

During 1993 Her X-1 was observed extensively, including 5 observations

encompassing eclipse ingress. Period analysis of the 1993 data set showed no

evidence for gamma-ray emission at or near the x-ray period of Her X-1.

7.1 Further Work

The pulse profile measurement technique described in this thesis leaves much
room for further work. In particular, the combination of camera image cuts and
pulse profile cuts could be used to improve the sensitivity of gamma-ray
observations. Monte Carlo simulations would be needed to determine which cuts
should be used, and how they should be applied over a range of zenith angles.

Section 5.7 discussed the effect of the cosmic ray composition on the pulse
parameter distributions. It is possible that careful observations, combined with

Monte Carlo simulations, could provide an estimate of cosmic ray compositions for

energies from ~ 1TeV to over a PeV.
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ERRATA

Corrections are identified by chapter , page number and line number (L and B indicate the
number of lines from the top and bottom of the page respectively)

Typographical and grammatical corrections

Summary Page v B4 - remove “in these files”
Page v B2 - replace “significance” with “probability of chance occurence”
Chapter 1 Page 1 B6 - replace “discreet” with “discrete”

Page 3 L10 - replace “remainder of this chapter will discuss” with
“in the remainder of the chapter I will discuss”

Page 3 L14 - replace “this section will contain” with “this section contains”

Page 10 B2 - replace “and will detect gamma-rays” with
“and can detect gamma-rays”

Page 14 B8 - replace “gauss” with its symbol “G”

Page 29 L10 - replace “Babha” with “Bhabha”

Page 30 L4 - replace “The amount of blue-shifting is significantly
different from” with “The periods reported are blue-shifted
significantly from”

Chapter 2 Page 42 B9 - delete one of the “as the”
Chapter 3 Page 53 B3 - replace “whose particle flux is attenuated” with
“where the particle flux is attenuated”.

Page 65 L17 - replace “single three inch photomultipliers” with
“single three-inch photomultipliers”

Page 65 B6 - replace “accuracy of less than a milli-second” with
“accuracy better than one milli-second”

Page 65 L19 - replace “inner 30 camera pixels” with “30 of the camera pixels”

Chapter 4 Page 78 B13 - replace “angular size of gamma-ray image” with
“angular size of the gamma-ray image”
Page 87 L6 - replace “To further enhance” with “To enhance further”
Chapter 5 Pages 97, 98 - replace y-axis Emission Depth units “gcm” with “gcm—2”



General Corrections, clarification and discussion

Chapter 1 Page 25 - The binary system Her X-1 is described as a low mass
system. In fact it is an intermediate case and could be
described as either a high or a low mass X-ray binary.

Chapter 3 Page 66 Fig. 3.11 - The figure caption for the lower part of fig 3.11
refers to a single on-axis tube for the outer mirrors. The other
two tubes shown are part of an off-axis monitor system.

Page 68 Fig. 3.13 - This diagram was produced with a gamma-ray
energy spectrum described by a power law with index of -1.65.

Chapter 5 Page 92 L6 - The “stray bits” are elements of the diode array in the
7912 digitizer that register accidentally during the recording of a
pulse. They are easily identified and removed for pulse analysis.

Chapter 5 Table 5.1 - The quality factor, g, does not include the effects of
the pulse height cut on the data (the pulse height cut
rejects approximately 50% of the data). The exact effect of
the pulse height cut on the quality factor will depend upon
the source spectrum of the gamma-ray signal. When observing
at large zenith angles it is usual to observe hard spectrum
gamma-ray sources. This implies that a pulse height cut will
not drastically reduce the quality factors quoted in table 5.1 .

Chapter 6 Page 123 - equation 6.6 should be

Pr(> NR?[Hyp) = exp(—NR?) (6.6)

Chapter 6 Page 135 - Footnote about Analysis of Hercules X-1 data.

While analyzing the data care has been taken to avoid accidentally “optimizing” the
signal by not accounting for trials used during analysis. Both the pulsar period and orbital
period ranges of the search were determined a-priori from previous observations made by the
Woomera group or previously published results from other groups. The pulse cuts used were
derived a-priori from Monte Carlo analysis and were not altered to increase the significance of
the signal.

The search for a signal in the second harmonic was not performed to optimize the apparent
signal strength due to the shape of the light curve of the signal. A search of the second harmonic
is fully justified by the results of x-ray observations. These observations show that at x-ray
wavelengths the light curve switches regularly between being single and double peaked. It is
acknowledged that the penalty paid for searching into the second harmonic (penalty of 2) was
insufficient. This factor should be changed to 8 to allow for all possible combinations of first

and second harmonic analysis for the three nights observation. This increases the final chance
probability from 1.34 x 10~ to 5.36 x 10—4.





